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• Origins of PeV CRs are unknown 

• Tibet ASγ detected sub-PeV γ rays from Galactic plane 

• LHAASO detected diffuse γ-rays in 0.01 - 1 PeV 

• IceCube detected neutrinos from Galactic plane 

• Strong evidence of Galactic PeVatron

Galactic PeVatrons
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best-fit Nishimura-Kamata-Greisen (NKG) function [20].
The energy resolutions with S50 are roughly estimated to
be 20% and 10% for 100 and 400 TeV, respectively. The
absolute energy scale uncertainty was estimated to be 12%
from thewestwarddisplacement of theMoon’s shadowcenter
due to the geomagnetic field [21]. The live time of the dataset
is 719 days fromFebruary 2014 toMay 2017, and the average
effective detection time for the Galactic plane observation is
approximately 3700 h at the zenith angle less than 40°. The
data selection criteria are the same in our previous work [12]
except for the muon cut condition. According to the CASA-
MIA experiment, the marginal excess along the Galactic
plane in the sub-PeV energies is 1.63 σ, and the fraction of
excess to cosmic-ray background events is estimated to be
approximately 3 × 10−5 [18]. In order to search for signals
with such a small excess fraction,we adopt a tightmuon cut in
the present analyses requiring for gamma-ray-like events to
satisfyΣNμ < 2.1 × 10−4 ðΣρÞ1.2 or ΣNμ < 0.4, where ΣNμ

is the total number of muons detected in the underground
muon detector array. This is just one order of magnitude
tighter than the criterion used in our previous work [12]. The
cosmic-ray survival ratio with this tight muon cut is exper-
imentally estimated to be approximately 10−6 above 400TeV,
while the gamma-ray survival ratio is estimated to be 30% by
the MC simulation. The comparison between the cosmic-ray
data and the MC simulation is described in Fig. S1 in
Supplemental Material [22].
Results and discussion.—Figure 1 shows arrival direc-

tions of gamma-ray-like events in (a) 100ð¼102.0Þ < E <
158ð¼102.2Þ TeV, (b) 158ð¼102.2Þ<E<398ð¼102.6ÞTeV,
and (c) 398ð¼102.6Þ < E < 1000ð¼103.0Þ TeV, remaining
after the tight muon cut. It is seen that the observed arrival
directions concentrate in a region along the Galactic plane
(see also Fig. 2). Particularly in Fig. 1(c), 23 gamma-ray-
like events are observed in jbj < 10° which we define as the
on region (NON ¼ 23), while only ten events are observed
in jbj > 20° which we define as the off region (NOFF ¼ 10).
Since the total number of events before the tight muon cut
is 8.6 × 106, the cosmic-ray survival ratio is estimated to be
1.2 × 10−6 in jbj > 20° above 398 TeV. We use NOFF in
jbj > 20° to estimate the number of cosmic-ray background
events, because the contribution from extragalactic gamma
rays in E > 100 TeV is expected to be strongly suppressed
due to the pair-production interaction with the extragalactic
background light. The mean free path lengths for the pair
production for 100 TeV and 1 PeV are a few megaparsecs
and 10 kpc, respectively [29].
Since the ratio (α) of exposures in on and off regions is

estimated to be 0.27 by the MC simulation with our
geometrical exposure, the expected number of background
events in the on region with jbj < 10° is NBG ¼ αNOFF ¼
2.73, and the Li-Ma significance [30] of the diffuse gamma
rays in the on region is calculated to be 5.9 σ. The number
of events and the significances in each energy bin are
summarized in Table S1 in Supplemental Material [22].

The observed distribution of the number of muons for
E > 398 TeV after the muon cut is consistent with that
estimated from the gamma-ray MC simulation as shown in
Fig. S2 in Supplemental Material [22]. The highest-energy
957ðþ166

−141ÞTeV gamma ray is observed near the Galactic
plane, where the uncertainty in energy is defined as the
quadratic sum of the absolute energy-scale error (12%) and
the energy resolution [12]. Solid circles in Fig. 2 display
NON − NOFF as a function of b in (a) 100 < E < 158 TeV,
(b) 158 < E < 398 TeV, and (c) 398 < E < 1000 TeV.
The concentration of diffuse gamma rays around the
Galactic plane is apparent particularly in Fig. 2.
In order to estimate contribution from the known

gamma-ray sources, we searched for gamma-ray signals

FIG. 1. The arrival direction of each gamma-ray-like event
observed with (a) 100 < E < 158 TeV, (b) 158<E<398TeV,
and (c) 398 < E < 1000 TeV, respectively, in the equatorial
coordinate. The blue solid circles show arrival directions of
gamma-ray-like events observed by the Tibet ASþMD array.
The area of each circle is proportional to the measured energy of
each event. The red plus marks show directions of the known
Galactic TeV sources (including the unidentified sources) listed
in the TeV gamma-ray catalog [9]. The solid curve indicates the
Galactic plane, while the shaded areas indicate the sky regions
outside the field of view of the Tibet ASþMD array.

PHYSICAL REVIEW LETTERS 126, 141101 (2021)

141101-3

Tibet ASγ 2021

5

same background estimation technique to each mock data set,
which yields a distribution of estimated background counts
(No↵

i ) for given energy bin. This distribution can be approxi-
mately described by a Gaussian distribution with width �bkg

i .
The likelihood function in Eq. (1) includes a Poisson term,
representing the statistical probability of the observed number
of events, and a Gaussian term, representing the probability
of the background fluctuation. The flux in each energy bin is
determined by fitting the normalization parameter �0, while
the spectral index is fixed at the best-fit value obtained from
the whole-band fitting.

Results. — The LHAASO-KM2A significance maps of the
two sky regions after masking detected sources are shown in
Fig. 1. The one-dimensional significance distributions are
given in Fig. S2 in the Supplemental Material. As a
comparison, reference regions which are ROIs shifted along
the right ascension (R.A.) in the celestial coordinates show
standard Gaussian distributions of the significance, indicat-
ing that our background estimate is reasonable (Fig. S2 of the
Supplemental Material). The total significance of the in-
ner (outer) Galaxy region is 29.1� (12.7�). No significant
point-like sources are present in the significance maps after
the mask, except for some hot spots, which need more data to
confirm whether they are point-like sources or di↵use emis-
sions. The LHAASO results give the first measurement of
di↵use emission in the outer Galaxy region in the VHE-UHE
domain.

Fig. 2 shows the derived fluxes of the di↵use emission in
the two regions. The fluxex in di↵erent energy bins are tabu-
lated in Tables S2 and S3 of the Supplemental Material).
From Fig. 1 we can see that considerable regions along the in-
nermost Galactic disk are masked for the inner Galaxy region.
Since the expected di↵use emission is non-uniform, the cur-
rent measurements are thus not equivalent to the total average
emission in the ROIs. As an estimate, we find that the aver-
age di↵use emission in the ROIs without any masking will be
higher by ⇠ 61% and ⇠ 2% than our measurements assum-
ing a spatial template of the PLANCK dust opacity map in the
inner and outer Galactic regions, respectively.

We fit the measured spectrum using a power-law function,
finding that the index is �2.99 ± 0.04stat for the inner Galaxy
region and �2.99 ± 0.07stat for the outer Galaxy region (see
Table I). Possible spectral structures deviating from power-
laws are not significant, and more data statistics are needed to
further address such issues.

TABLE I. Fitting parameters of the LHAASO-KM2A di↵use spec-
tra.

�0 ↵

(10�14 TeV�1 cm�2 s�1 sr�1)
Inner Galaxy 1.00 ± 0.04stat ± 0.09sys �2.99 ± 0.04stat ± 0.07sys

Outer Galaxy 0.44 ± 0.04stat ± 0.05sys �2.99 ± 0.07stat ± 0.12sys

In Fig. 3, we present the longitude and latitude profiles for
the two sky regions, for energy bands of 10 � 63 TeV and
63 � 1000 TeV. The latitude integration range when deriving
the longitude profile is from �5� to +5�, and the longitude in-
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FIG. 2. Measured fluxes of di↵use �-ray emission in the inner and
outer Galaxy regions. The smaller error bars show the statistical er-
rors and the larger ones show the quadratic sum of the statistical and
systematic errors. In each panel, the dashed line shows the best-
fit power-law function of the data, the grey shaded band shows the
model prediction assuming local CR spectra and the gas column den-
sity with the same mask as the data, and the cyan shaded band is the
grey one multiplied by a constant factor of 3.0 for the inner region
and 2.0 for the outer region.

tegration ranges for the latitude profiles are the same as the
definitions of the ROIs. The di↵use emission shows a clear
decrease from the inner Galaxy to the outer Galaxy and a con-
centration in the low Galactic latitudes. We fit the latitude
distributions using the gas template traced by the PLANCK
dust opacity map, as shown by the solid line in each panel. In
panels (a) and (d), the longitude profiles of the gas template
with the same normalizations obtained in the latitude profile
fittings are shown. The results show that the measured latitude
distributions generally agree with the gas distribution. We can
see a slight deviation of the data from the gas template for
the longitude distribution, which needs more data for detailed
studies. We thus re-fit the data by adding a Gaussian latitude
distribution centered at b = 0 to the gas template but find only
slight improvements in the goodness-of-fit (see Fig. S3 of the
Supplemental Material).

Systematic uncertainties. — The event rate varies during
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as tracks in IceCube. The selection of cascade
events instead of track events therefore reduces
the contamination of atmospheric neutrinos—
by about an order of magnitude at tera–electron
volt energies—and permits the energy thresh-
old of the analysis to be lowered to about 1 TeV.
In the Southern sky, the lower background,

better energy resolution, and lower energy
threshold of cascade events compensate for
their inferior angular resolution, compared
with those of tracks. This is particularly true for
searches for emission from extended objects,
such as the Galactic plane, for which the size
of the emitting region is larger than (or similar
to) the angular resolution. Compared with
track-based searches, cascade-based analyses
are more reliant on the signal purity and less
on the angular resolution of individual events.
We therefore expect analyses based on cascades
to have substantially better sensitivity to ex-
tended neutrino emission in the tera–electron
volt energy range from the Southern sky.

Application of deep learning to cascade events

To identify and reconstruct cascade events in
IceCube, we used tools based on deep learn-
ing. These tools are designed to reject the

overwhelming background from atmospheric
muon events, then to identify the energies and
directions of the neutrinos that generated the
cascade events. IceCube observes events at a
rate of about about 2.7 kHz (18), arisingmostly
from background events (atmospheric muons
and atmospheric neutrinos) that outnumber
signal events (astrophysical neutrinos) at a
ratio of roughly 108:1. To search for neutrino
sources, event selection was required to im-
prove the signal purity by orders of magnitude.
Previously used event selections for cascade

events (22, 26, 27) relied on high-level observ-
ables, such as the event location within the
IceCube volumeand totalmeasured light levels,
to reduce the initial data rate. In subsequent
selection steps, more computing-intensive se-
lection strategies were performed, such as the
definition of veto regions within the detector,
to further reject events identified as incoming
muons. We adopted a different approach,
using tools based on convolutional neural net-
works (CNNs) (15, 28) to perform event selec-
tions. The high inference speed of the neural
networks (milliseconds per event) allowed us
to use a more complex filtering strategy at
earlier stages of the event selection pipeline.

This retains more low-energy astrophysical
neutrino events (Fig. 2) and includes cascade
events that are difficult to reconstruct and dis-
tinguish from background because of their lo-
cation at the boundaries of the instrumented
volume or in regions of the ice with degraded
optical clarity (from higher concentrations of
impurities in the ice).
After the selection of events, we refined

event properties, such as the direction of the
incoming neutrino and deposited energy, using
the patterns of deposited light in the detector.
The likelihood of the observed light pattern
under a given event hypothesis was maximized
to determine the event properties that best
describe the data. For this purpose, we used
a hybrid reconstruction method (16, 17) that
combines a maximum likelihood estimation
with deep learning. In this approach, we used
a neural network (NN) to parameterize the
relationship between the event hypothesis
and expected light yield in the detector. This
smoothly approximates a (more computation-
ally expensive) Monte Carlo simulation while
avoiding the simplifications that limit other
reconstruction methods (19, 29). Starting with
an event hypothesis, theNNmodels the photon
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Fig. 1. The plane of the Milky Way Galaxy in photons and neutrinos. (A) to
(E) are in Galactic coordinates, with the origin being at the Galactic Center,
extending ±15° in latitude and ±180° in longitude. (A) Optical color image (39),
which is partly obscured by clouds of gas and dust that absorb optical photons.
[Credit: A. Mellinger, used with permission.] (B) The integrated flux in gamma
rays from the Fermi Large Area Telescope (Fermi-LAT) 12-year survey (40)
at energies greater than 1 GeV, obtained from the Fermi Science Support Center
and processed with the Fermi-LAT ScienceTools. (C) The emission template
calculated for the expected neutrino flux, derived from the p0 template that

matches the Fermi-LAT observations of the diffuse gamma-ray emission (1).
(D) The emission template from (C), after including the detector sensitivity to
cascade-like neutrino events and the angular uncertainty of a typical signal event
(7°, indicated by the dotted white circle). Contours indicate the central regions
that contain 20 and 50% of the predicted diffuse neutrino emission signal.
(E) The pretrial significance of the IceCube neutrino observations, calculated
from the all-sky scan for point-like sources by using the cascade neutrino event
sample. Contours are the same as in (D). Gray lines in (C) to (E) indicate the
northern-southern sky horizon at the IceCube detector.
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Figure 3: Cosmic ray proton spectrum from a few TeV to tens of PeV (upper panel). A factor of E2.75 is mul-
tiplied to the fluxes, allowing a detailed comparison between measurements in entirely different energy domains.
Proton spectra reported by the space-borne ISS-CREAM, DAMPE, CALET, and NUCLEON and ground-based
GRAPES-3, ICETOP, and KASCADE detectors and the LHAASO all-particle spectrum are plotted together with
the proton spectrum measured in this work by LHAASO. All error bars represent the statistical errors. To clearly
see how those measurements are connected over a wider energy range starting from 10−6 PeV, the spectra by AMS-
02, DAMPE and LHAASO (proton spectrum and all-particle spectrum) are plotted in the lower panel. AMS-02
and DAMPE have a good overlap around 10−3 PeV, and the gap between DAMPE and LHAASO around 0.1 PeV
should be covered by the two experiments shortly, allowing a complete description of the spectrum without suffer-
ing from a relative energy scale difference between experiments.
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• Hardening around 100 TeV  
=> New sources at E > 100 TeV?

• The break energy in proton spectrum is consistent with that in all-particle one

LHAASO & DAMPE CR spectrum
5

DAMPE proton LHAASO proton
AMS proton

LHAASO all-particle

LHAASO 2025



Gamma-ray spectrum from SNR
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Figure 6
Typical γ -ray energy spectra for several of the most prominent supernova remnants (SNRs). Young SNRs
(<1,000 years) are shown in green. These typically show smaller γ -ray fluxes but rather hard spectra in the
GeV and TeV bands. The older (but still referred to as young) shell-type SNRs RX J1713.7-3946 and RX
J0852.0-4622 (Vela Junior) of ages ∼2,000 years are shown in shades of red. These show very hard spectra in
the GeV band (" = 1.5) and a peak in the TeV band with an exponential cutoff beyond 10 TeV. The
middle-aged SNRs (∼20,000 years) interacting with molecular clouds (W44, W51C, and IC443) are shown
in blue. Also shown are hadronic fits to the data (solid lines).

Indeed, beyond pulsars and PWN (which are generally assumed to be dominated by CR elec-
trons), the largest number of detected γ -ray sources in the Galaxy are SNRs. The Fermi-LAT
team is about to release its catalog of SNRs in which the data have been analyzed for each of the
known SNRs (62) in our Galaxy, resulting in approximately 40 detections. These detections can be
divided into two classes (see, e.g., Figure 6). The largest class of GeV-detected SNRs consists of
those known to interact with molecular clouds, such as IC443, W44, and W51C (Figure 7). The
second class comprises young SNRs that are typically less luminous at GeV energies, have harder
spectra, and are often also detected at TeV energies. At TeV energies, 11 shell-type SNRs have
been detected, including such objects as Tycho’s SNR, Cas A, SN 1006, and RX J0852.0–4622
(Vela Junior), as well as RX J1713.7–3946 (Figure 8). The results seem to indicate that the CR
efficiency εCR (the efficiency of converting the SN explosion energy into CRs) is broadly consistent
with a value of 10%, albeit with rather large errors for individual SNRs due to uncertainties about
distance, explosion energy, and target density surrounding the remnants (63). A study at TeV en-
ergies with H.E.S.S., based on the Galactic plane survey (58, 59), came to similar conclusions (64).

5.1.1. Supernova remnants interacting with interstellar material. SNRs interacting with
interstellar material represent the largest class of GeV-detected objects, and the SNRs IC443,
W44, and W51C are the brightest objects of this class on the GeV sky (Figure 6). The brightness
stems from the rather large density of target material, which arises from the interaction between
the shock wave and the surrounding molecular clouds (up to n = 1,000 cm3). For these objects, a
correlation between GeV γ -rays and the radio flux seems to emerge (69), indicating nonthermal
emission from relativistic particles. For IC443 and W44, the characteristic low-energy cutoff
in the energy spectrum (the pion bump) has been detected (Figure 6) (70). This observation
clearly demonstrates that the γ -ray emission in the GeV band is dominated by π0 decay and

262 Funk

3% for the first two energy bins and less than 1% at higher
energies.

The systematic uncertainties affecting the flux upper limits
are similar to those studied in Aharonian & An (2021). The
number of operating units varied with time due to debugging a
few percent of the detector units. The variable layout of the
array, affecting the γ-ray/background separation, has a slight
effect on the flux. The systematic uncertainty also comes from
the atmospheric model used in the simulation, which affects the
detection efficiency. The overall systematic uncertainty affect-
ing the flux is estimated to be ∼7%.

In principle, the diffuse Galactic γ-ray emission (DGE)
should be subtracted before we derive the upper limit for
sources. But the inclusion of such a component in deriving the
upper limit only has a marginal (10%) impact on the final
results. Thus, to avoid further systematic errors, we do not
subtract the DGE in this work and use the most conservative
upper limits.

5. Discussion

5.1. Point-source Scenario

The recent MAGIC and VERITAS observations reveal a
significant steepening in the γ-ray spectrum at TeV energies
(Ahnen et al. 2017; Abeysekara et al. 2020). This can be
interpreted as a break or cutoff in the spectrum. The latter
would imply that Cas A accelerates particles only up to tens of
TeV. However, recent studies (see, e.g., Malkov & Ahar-
onian 2019) show that, taking into account realistic geometry
and magnetic field configurations, one can expect a significant
deviation from the standard DSA predictions, namely, very
steep, power law–type spectra. This option does not need a
cutoff to describe the TeV data; a broken power law can fit the
GeV–TeV spectral energy distributions well, with a spectral
index of about 2.7 above the break (Abeysekara et al. 2020).
To explore whether this scenario is compatible with the

KM2A observations, we extrapolate the data points measured
by IACT with a power law. It should be noted that in this
scenario, Cas A can still be in the PeVatron phase, and thus the
γ-ray observations cannot set a limit on the total CR energy
budget above 100 TeV. But information regarding the accel-
eration spectrum can be obtained from the observed γ-
ray spectrum. We found that a spectral index smaller than 2.8
already violates the KM2A upper limit. A γ-ray spectral index
of 2.8 corresponds to an index of ;2.9 for CR protons. Such an
injection spectrum is softer than the CR spectrum measured in
this energy range, even ignoring the further steepening of the
spectrum of particles during their propagation in the Galactic
plane and halo. Such a soft injection spectrum can hardly be
accommodated in the current CR propagation concept; thus, its
contribution to the locally measured CR flux cannot be
significant.

5.2. Extended-source Scenario

One should note that, in general, independent of the question
of its contribution to the local CR flux, the very steep proton
spectrum does not exclude acceleration of PeV protons by Cas
A. Therefore, to probe the number of PeV protons accelerated
at the early epochs of Cas A, we assume an integrated spectrum
of these CRs in the form N E E e E Ec( ) ~ g- - . Since we are
considering the possibility of Cas A as a PeVatron, we fix
Ec= 2 PeV and choose the index γ= 2.0, 2.4, or 2.7 (see the
discussion below). As long as we are investigating CRs
released between 100 TeV and 1 PeV, the exact value of the
cutoff energy does not have a strong impact on the total energy
budget. The γ-ray flux is proportional to the product of CR total
energy and gas density. Thus, from the observed upper limit of
γ-ray flux and the derived gas density, one can derive an upper
limit for the CR total energy. By using the γ-ray production
cross section parameterized in Kafexhiu et al. (2014), we
calculated the predicted γ-ray flux for γ= 2.0, 2.4, or 2.7.
Taking into account the average gas density of about 10 cm−3,
we derived the upper limit of the total energy of CRs in the
energy range 100–1000 TeV as 3.6/3.0/4.0 × 1047 (10
cm−3/n) erg, assuming that all the molecular gas has been
illuminated by the escaped CRs, with an index of 2.0/2.4/2.7.
The derived upper limit of the total CR energy only slightly
depends on the spectral index.
If the appearance of the Cas A–like SNR events has a rate of

one per century, as suggested by Schure & Bell (2013), the CR
injection rate in our Galaxy in the energy interval

Figure 2. The UHE γ-ray flux upper limits assuming Cas A is a point source.
The data points are from MAGIC and VERITAS obervations. The gray curve is
the power-law function with an index of 2.8. A harder spectrum would violate
the LHAASO upper limit.

Figure 3. The UHE γ-ray flux upper limits within 1°. 8 from Cas A. The black,
red, and blue curves correspond to the predicted pion-decay γ-ray fluxes for
proton indexes of 2.0, 2.4, and 2.7, respectively. The total energies of CR
protons within 100–1000 TeV are 5 × 1049, 3 × 1048, and 1 × 1047erg,
respectively, which are the CR energy budgets expected if Cas A–type SNRs
produce all the PeV CRs in our Galaxy.
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Leptonic?
Hadronic Gamma-ray spectrum of Cas A 

• Some SNRs are identified as PeVatrons, but many have soft spectra at 10 TeV 

• The youngest SNR (Cas A) does not accelerate CRs up to 100 TeV? 
• We need another class of PeVatrons

Eγ ∼

LHAASO 2024

Funk 2015



• HAWC detection of 2 microquasars 
SS433, V4641 Sgr

• Extended morphology  
=> extended jets?

• LHAASO detection of 5 X-ray binaries   
SS433, V4641 Sgr, G1915+105,  
Cyg X-1, MAXI J1820+070

• E > 100 TeV without softening 
=> Hadronic origin?

UHE γ-rays from X-ray binaries
7
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a Gaussian spatial template to the data around each source over the 
entire energy range. For comparison, the HAWC point-spread function 
at the declination of the source is 0.2° at energies greater than 30 TeV. 
The angular separations between the binary and the northern and 
southern gamma-ray sources are 0.23° and 0.46°, which correspond 
to about 30 pc and about 55 pc, respectively, when assuming a source 
distance of 6.6 kpc (ref. 4). When adopting a single-source model, we 
find that a point-like source template is disfavoured at 8.3σ with respect 
to an asymmetric extended-source template. The extension of the 

asymmetric source is found to be 0.54°, corresponding to about 70 pc. 
This is much larger than the size of the binary system, implying that 
the gamma-ray emission comes from a region more extended than 
the central binary.

Under the model with two point sources from a physically grounded 
perspective, the excess spectrum extends up to 217 TeV without any 
observable indication of a cut-off (for the best-fit results of the model 
with a single asymmetric extended source, see Methods). The spectrum 
above 1 TeV is best described by a power law, dN/dE = N0(E/E0)α, in which 
E0 = 47 TeV is selected to minimize the correlation between parameters 
owing to the choice of the spectral model. Table 1 lists the best-fit val-
ues of N0 and α for the northern and southern sources. We note that 
the exceptionally hard spectrum, α = −2.2, makes V4641 Sgr one of the 
hardest ultra-high-energy sources ever measured. Figure 2 compares 
the spectra of the two sources. Despite being 0.69 ± 0.04° (about 80 pc) 
away from each other, the two sources present almost identical flux 
amplitudes and spectral indices, hinting that they probably share a 
common origin. Considering that no other plausible multiwavelength 
counterparts can be identified and that the two point-like sources 
present remarkably similar spectra while being physically distant, 
the origin of the HAWC excess is probably connected to V4641 Sgr and 
could be because of persistent large-scale outflows from the system, 
each of which we refer to as a bubble.

Interaction of large-scale jets with the interstellar medium (ISM) may 
induce high-energy radiation. So far, SS 433 is the only microquasar with 
very-high-energy (VHE; 0.1–100 TeV) gamma-ray emission observed 
from the lobes1,2. At a distance of 6.6 kpc for V4641 Sgr, the physical 
separation between each of the two sources and the central object is 
on the order of tens of parsecs. Our observation implies that V4641 Sgr 
could be closely analogous to SS 433 (ref. 1), which has long been pro-
posed, based on optical and X-ray observations of the flares11–13. The 
ratio of the TeV gamma-ray power and the Eddington luminosity of this 
source is an order of magnitude higher than that of SS 433, suggesting 
that large-scale outflows from microquasars may carry high kinetic 
power and be efficient particle accelerators.

Persistent VHE gamma-ray emission from microquasars can be 
expected from accelerated electrons inverse Compton scattering off 
low-energy photons (leptonic scenario) and/or from the decay of neu-
tral pions, which are produced by the interaction of protons and nuclei 
(hadronic scenario)14,15.

A leptonic scenario is challenging for the following reasons. First, a 
fast outflow is needed to accelerate electrons to 200 TeV and above. 
The acceleration time, tacc ≈ 10DB(Ee)/vsh

2, needs to be shorter than the 
cooling time owing to synchrotron radiation in a magnetic field B, 
tcooling ≈ 600(Ee/200 TeV)−1(B/10 µG)−2 years, yielding a shock velocity, 
vsh/c > 0.02(Ee/200 TeV)(B/10 µG)1/2. Here DB(Ee) = RLc/3 is the Bohm dif-
fusion coefficient and RL is the Larmor radius of the particle. Second, 
electrons at such high energies cool so quickly that they can barely travel 
over 100 pc. The cooling time is much shorter than the diffusion time, 
R2/(2D) ≈ 1,000/η years, in which R ≈ 100 pc, D(200 TeV) ≈ η1030 cm2 s−1 
and η % 1. For these evaluations, we have used a magnetic field strength 
comparable with that in the jets of SS 433 (ref. 1). Future X-ray observa-
tions of the VHE emission site are needed to constrain the field strength.

In the hadronic scenario, protons are accelerated to PeV energies 
and interact with the ambient gas, producing neutral pions that quickly 
decay into gamma rays. Extended Data Fig. 3 shows the gas distribution 
near the gamma-ray excess detected by HAWC. To account for both 
the southern and northern HAWC sources, we require a total proton 
energy Wp ≈ 1 × 1050 erg for these two sources. The protons could be 
accelerated at the termination shock, at which the jets interact with 
the ISM, or along the jets and subsequently transported to the HAWC 
sources. We assume that each HAWC source has a radius of 20 pc, which 
corresponds to the upper limit on the source radius of 0.2° at the 95% 
confidence level, and consider escape owing to diffusion for two cases: 
diffusion as inferred at GeV energies from the cosmic-ray secondaries 
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Fig. 1 | Significance map around the V4641 Sgr region. a, For events with 
measured energy greater than 1 TeV. The value TS refers to the likelihood  
ratio test statistic described in equation (1). The green contours indicating 
significance are mapped to TS  values ranging from 4.5 to 8.5, increasing 
inwards at intervals of one from the outermost contour to the innermost. The 
crosses represent the best-fit locations from the model with two point sources. 
b, Significance map (of the same region) including only events with measured 
energy greater than 100 TeV. The white circle represents the angular resolution 
at a radius corresponding to 68% event containment (0.17°) at this energy 
range. The V4641 Sgr location is taken from ref. 4. These significance maps are 
made by assuming a point-source hypothesis and a power-law spectrum with 
the best-fit index α = −2.2.
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Figure 1. Significance maps and spectral energy distribution (SED) of SS 433 measured by LHAASO, with surrounding sources
being subtracted. (a - c): SS 433 at energy 1-25 TeV, 25-100 TeV and above 100 TeV. In top three panels, the green cross marks
the position of the BH of SS 433. In (a), the blue diamonds shows the position of H.E.S.S. detected gamma-ray emission above
10 TeV [22]. In (a) and (b), black crosses indicate the position of resolved two point-like sources at 1-25 TeV and 25-100 TeV. In (c),
the white contour indicates the H I atomic clouds at consistent distance of SS 433 (see Supplementary Materials). The cyan contour
show the X-ray emission of the two lobes. The green circle in (c) exhibit 68% containment radii of the LHAASO source. The dashed
white line indicate the direction of the Galactic plane with b = →2↑. The yellow circles show the corresponding 68% containment
radii of LHAASO PSF at the corresponding energy range. (d) shows spectra of two point-like sources associated with the east
and west lobes of SS 433 with blue circles and red squares respectively. The spectrum of the central extended source is shown
with the black dots; (e) compares the total measured spectrum (with the fluxes associated with the two lobes summed up) and the
prediction of models. The red solid curve showcases the best-fit spectrum based on multiwavelength data with a single leptonic
component (see SM for details), where the red band represents the 1ω uncertainty. The best-fit value of the high-energy spectral
cutoff energy is about Ee,max = 10 PeV. The red dashed curve shows the predicted spectrum with a conservative Ee,max = 200 TeV
with other parameters unchanged. The target photon fields of IC radiation include the cosmic microwave background and interstellar
radiation [28]. The solid blue curve shows an additional hadronic component and the solid black curve is the sum of the hadronic
component and leptonic component with Ee,max = 200 TeV. In (d) and (e), error bars represent the 1ω uncertainties of fluxes and
bars with downward-pointing triangles are one-tailed 95% upper limits of the flux. In (d), The vertical brackets showcase the 1ω
uncertainties of the flux including the systematic errors.
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Figure 3. Spectra of the LHAASO sources associated with four microquasars. (a) V4641 Sgr; (b) GRS 1915+105; (c)
MAXI J1820+070; (d) Cygnus X-1. In each panel, error bars represent the 1ω statistical uncertainties of measured fluxes and
bars with downward-pointing triangles (if present) are one-tailed 95% upper limits of the flux. Vertical brackets showcase the 1ω
uncertainties of fluxes including the systematic errors. Red solid lines represents the best-fit spectrum with a power-law function
and shaded regions showcase uncertainties.
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Figure 1. Significance maps and spectral energy distribution (SED) of SS 433 measured by LHAASO, with surrounding sources
being subtracted. (a - c): SS 433 at energy 1-25 TeV, 25-100 TeV and above 100 TeV. In top three panels, the green cross marks
the position of the BH of SS 433. In (a), the blue diamonds shows the position of H.E.S.S. detected gamma-ray emission above
10 TeV [22]. In (a) and (b), black crosses indicate the position of resolved two point-like sources at 1-25 TeV and 25-100 TeV. In (c),
the white contour indicates the H I atomic clouds at consistent distance of SS 433 (see Supplementary Materials). The cyan contour
show the X-ray emission of the two lobes. The green circle in (c) exhibit 68% containment radii of the LHAASO source. The dashed
white line indicate the direction of the Galactic plane with b = →2↑. The yellow circles show the corresponding 68% containment
radii of LHAASO PSF at the corresponding energy range. (d) shows spectra of two point-like sources associated with the east
and west lobes of SS 433 with blue circles and red squares respectively. The spectrum of the central extended source is shown
with the black dots; (e) compares the total measured spectrum (with the fluxes associated with the two lobes summed up) and the
prediction of models. The red solid curve showcases the best-fit spectrum based on multiwavelength data with a single leptonic
component (see SM for details), where the red band represents the 1ω uncertainty. The best-fit value of the high-energy spectral
cutoff energy is about Ee,max = 10 PeV. The red dashed curve shows the predicted spectrum with a conservative Ee,max = 200 TeV
with other parameters unchanged. The target photon fields of IC radiation include the cosmic microwave background and interstellar
radiation [28]. The solid blue curve shows an additional hadronic component and the solid black curve is the sum of the hadronic
component and leptonic component with Ee,max = 200 TeV. In (d) and (e), error bars represent the 1ω uncertainties of fluxes and
bars with downward-pointing triangles are one-tailed 95% upper limits of the flux. In (d), The vertical brackets showcase the 1ω
uncertainties of the flux including the systematic errors.
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3 states of black hole accretion
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L = η ·Mc2

Hot Accretion Flow (RIAF) Standard accretion diskThe Astrophysical Journal, 736:2 (18pp), 2011 July 20 Ohsuga & Mineshige
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Figure 5. Two-dimensional distribution of the various quantities for Model A: (a) the density overlaid with the velocity vectors, (b) the gas temperature, (c) the
plasma-β, (d) the magnetic energies via the toroidal component of field, (e) the same but of the poloidal component, (f) the magnetic pitch, (g) the radiation energy,
(h) the ratio of the radiation energy to the sum of the gas and magnetic energies, (i) and the ratio of the gas temperature to the radiation temperature. All values are
time-averaged over t = 6–7 s The white and black arrows in panel (a) indicate the velocity vectors whose magnitude exceed the escape velocity. The dashed line in
panel (b) is the photosphere, at which the optical thickness measured from the upper boundary is unity. The arrow in panel (g) shows the radiative flux vector.
(A color version of this figure is available in the online journal.)
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Figure 9. Same as Figure 5 but for model B. Each quantity is time-averaged over t = 9–10 s Note the different plot area from that of Figure 5.
(A color version of this figure is available in the online journal.)
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(A color version of this figure is available in the online journal.)

That is, the magnetic-pressure force, together with the gas-
pressure force, drives the outflows above and below the disk.
The outflow is thus accelerated upward; its velocity exceeds the

sound velocity at z ∼ 30 RS and reaches the escape velocity at
z ∼ 50 RS. Both the radiation force and the magnetic-tension
force are found to be negligible.
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Figure 5. Two-dimensional distribution of the various quantities for Model A: (a) the density overlaid with the velocity vectors, (b) the gas temperature, (c) the
plasma-β, (d) the magnetic energies via the toroidal component of field, (e) the same but of the poloidal component, (f) the magnetic pitch, (g) the radiation energy,
(h) the ratio of the radiation energy to the sum of the gas and magnetic energies, (i) and the ratio of the gas temperature to the radiation temperature. All values are
time-averaged over t = 6–7 s The white and black arrows in panel (a) indicate the velocity vectors whose magnitude exceed the escape velocity. The dashed line in
panel (b) is the photosphere, at which the optical thickness measured from the upper boundary is unity. The arrow in panel (g) shows the radiative flux vector.
(A color version of this figure is available in the online journal.)
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Figure 9. Same as Figure 5 but for model B. Each quantity is time-averaged over t = 9–10 s Note the different plot area from that of Figure 5.
(A color version of this figure is available in the online journal.)
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Figure 11. Same as panels (a)–(f) of Figure 5, but for model C. Here, note that there is no photosphere, since the flow is optically thin.
(A color version of this figure is available in the online journal.)

That is, the magnetic-pressure force, together with the gas-
pressure force, drives the outflows above and below the disk.
The outflow is thus accelerated upward; its velocity exceeds the

sound velocity at z ∼ 30 RS and reaches the escape velocity at
z ∼ 50 RS. Both the radiation force and the magnetic-tension
force are found to be negligible.
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3 states of black hole accretion
11

L = η ·Mc2

Standard accretion disk Slim disk + JetsThe Astrophysical Journal, 736:2 (18pp), 2011 July 20 Ohsuga & Mineshige
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Figure 5. Two-dimensional distribution of the various quantities for Model A: (a) the density overlaid with the velocity vectors, (b) the gas temperature, (c) the
plasma-β, (d) the magnetic energies via the toroidal component of field, (e) the same but of the poloidal component, (f) the magnetic pitch, (g) the radiation energy,
(h) the ratio of the radiation energy to the sum of the gas and magnetic energies, (i) and the ratio of the gas temperature to the radiation temperature. All values are
time-averaged over t = 6–7 s The white and black arrows in panel (a) indicate the velocity vectors whose magnitude exceed the escape velocity. The dashed line in
panel (b) is the photosphere, at which the optical thickness measured from the upper boundary is unity. The arrow in panel (g) shows the radiative flux vector.
(A color version of this figure is available in the online journal.)
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Figure 9. Same as Figure 5 but for model B. Each quantity is time-averaged over t = 9–10 s Note the different plot area from that of Figure 5.
(A color version of this figure is available in the online journal.)
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Figure 11. Same as panels (a)–(f) of Figure 5, but for model C. Here, note that there is no photosphere, since the flow is optically thin.
(A color version of this figure is available in the online journal.)

That is, the magnetic-pressure force, together with the gas-
pressure force, drives the outflows above and below the disk.
The outflow is thus accelerated upward; its velocity exceeds the

sound velocity at z ∼ 30 RS and reaches the escape velocity at
z ∼ 50 RS. Both the radiation force and the magnetic-tension
force are found to be negligible.

14

L ∼ LEddL ∼ 0.01LEdd

Hard/Quiescent state 
Isolated Black holes

Soft state
ULX 
Micro-quasars

Hot Accretion Flow (RIAF)

Ohsuga & Mineshige 2011



• HAWC detection of 2 microquasars 
SS433, V4641 Sgr

• Extended morphology  
=> extended jets?

• LHAASO detection of 5 X-ray binaries   
SS433, V4641 Sgr, G1915+105,  
Cyg X-1, MAXI J1820+070

• SS433, V4641 Sgr, G1915+105:  
- extended morphology

• MAXI J1820+070, Cyg X-1:  
- Point-source like morphology

UHE γ-rays from Microquasars
12

LHAASO 2025

558 | Nature | Vol 634 | 17 October 2024

Article

a Gaussian spatial template to the data around each source over the 
entire energy range. For comparison, the HAWC point-spread function 
at the declination of the source is 0.2° at energies greater than 30 TeV. 
The angular separations between the binary and the northern and 
southern gamma-ray sources are 0.23° and 0.46°, which correspond 
to about 30 pc and about 55 pc, respectively, when assuming a source 
distance of 6.6 kpc (ref. 4). When adopting a single-source model, we 
find that a point-like source template is disfavoured at 8.3σ with respect 
to an asymmetric extended-source template. The extension of the 

asymmetric source is found to be 0.54°, corresponding to about 70 pc. 
This is much larger than the size of the binary system, implying that 
the gamma-ray emission comes from a region more extended than 
the central binary.

Under the model with two point sources from a physically grounded 
perspective, the excess spectrum extends up to 217 TeV without any 
observable indication of a cut-off (for the best-fit results of the model 
with a single asymmetric extended source, see Methods). The spectrum 
above 1 TeV is best described by a power law, dN/dE = N0(E/E0)α, in which 
E0 = 47 TeV is selected to minimize the correlation between parameters 
owing to the choice of the spectral model. Table 1 lists the best-fit val-
ues of N0 and α for the northern and southern sources. We note that 
the exceptionally hard spectrum, α = −2.2, makes V4641 Sgr one of the 
hardest ultra-high-energy sources ever measured. Figure 2 compares 
the spectra of the two sources. Despite being 0.69 ± 0.04° (about 80 pc) 
away from each other, the two sources present almost identical flux 
amplitudes and spectral indices, hinting that they probably share a 
common origin. Considering that no other plausible multiwavelength 
counterparts can be identified and that the two point-like sources 
present remarkably similar spectra while being physically distant, 
the origin of the HAWC excess is probably connected to V4641 Sgr and 
could be because of persistent large-scale outflows from the system, 
each of which we refer to as a bubble.

Interaction of large-scale jets with the interstellar medium (ISM) may 
induce high-energy radiation. So far, SS 433 is the only microquasar with 
very-high-energy (VHE; 0.1–100 TeV) gamma-ray emission observed 
from the lobes1,2. At a distance of 6.6 kpc for V4641 Sgr, the physical 
separation between each of the two sources and the central object is 
on the order of tens of parsecs. Our observation implies that V4641 Sgr 
could be closely analogous to SS 433 (ref. 1), which has long been pro-
posed, based on optical and X-ray observations of the flares11–13. The 
ratio of the TeV gamma-ray power and the Eddington luminosity of this 
source is an order of magnitude higher than that of SS 433, suggesting 
that large-scale outflows from microquasars may carry high kinetic 
power and be efficient particle accelerators.

Persistent VHE gamma-ray emission from microquasars can be 
expected from accelerated electrons inverse Compton scattering off 
low-energy photons (leptonic scenario) and/or from the decay of neu-
tral pions, which are produced by the interaction of protons and nuclei 
(hadronic scenario)14,15.

A leptonic scenario is challenging for the following reasons. First, a 
fast outflow is needed to accelerate electrons to 200 TeV and above. 
The acceleration time, tacc ≈ 10DB(Ee)/vsh

2, needs to be shorter than the 
cooling time owing to synchrotron radiation in a magnetic field B, 
tcooling ≈ 600(Ee/200 TeV)−1(B/10 µG)−2 years, yielding a shock velocity, 
vsh/c > 0.02(Ee/200 TeV)(B/10 µG)1/2. Here DB(Ee) = RLc/3 is the Bohm dif-
fusion coefficient and RL is the Larmor radius of the particle. Second, 
electrons at such high energies cool so quickly that they can barely travel 
over 100 pc. The cooling time is much shorter than the diffusion time, 
R2/(2D) ≈ 1,000/η years, in which R ≈ 100 pc, D(200 TeV) ≈ η1030 cm2 s−1 
and η % 1. For these evaluations, we have used a magnetic field strength 
comparable with that in the jets of SS 433 (ref. 1). Future X-ray observa-
tions of the VHE emission site are needed to constrain the field strength.

In the hadronic scenario, protons are accelerated to PeV energies 
and interact with the ambient gas, producing neutral pions that quickly 
decay into gamma rays. Extended Data Fig. 3 shows the gas distribution 
near the gamma-ray excess detected by HAWC. To account for both 
the southern and northern HAWC sources, we require a total proton 
energy Wp ≈ 1 × 1050 erg for these two sources. The protons could be 
accelerated at the termination shock, at which the jets interact with 
the ISM, or along the jets and subsequently transported to the HAWC 
sources. We assume that each HAWC source has a radius of 20 pc, which 
corresponds to the upper limit on the source radius of 0.2° at the 95% 
confidence level, and consider escape owing to diffusion for two cases: 
diffusion as inferred at GeV energies from the cosmic-ray secondaries 
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Fig. 1 | Significance map around the V4641 Sgr region. a, For events with 
measured energy greater than 1 TeV. The value TS refers to the likelihood  
ratio test statistic described in equation (1). The green contours indicating 
significance are mapped to TS  values ranging from 4.5 to 8.5, increasing 
inwards at intervals of one from the outermost contour to the innermost. The 
crosses represent the best-fit locations from the model with two point sources. 
b, Significance map (of the same region) including only events with measured 
energy greater than 100 TeV. The white circle represents the angular resolution 
at a radius corresponding to 68% event containment (0.17°) at this energy 
range. The V4641 Sgr location is taken from ref. 4. These significance maps are 
made by assuming a point-source hypothesis and a power-law spectrum with 
the best-fit index α = −2.2.
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Figure 1. Significance maps and spectral energy distribution (SED) of SS 433 measured by LHAASO, with surrounding sources
being subtracted. (a - c): SS 433 at energy 1-25 TeV, 25-100 TeV and above 100 TeV. In top three panels, the green cross marks
the position of the BH of SS 433. In (a), the blue diamonds shows the position of H.E.S.S. detected gamma-ray emission above
10 TeV [22]. In (a) and (b), black crosses indicate the position of resolved two point-like sources at 1-25 TeV and 25-100 TeV. In (c),
the white contour indicates the H I atomic clouds at consistent distance of SS 433 (see Supplementary Materials). The cyan contour
show the X-ray emission of the two lobes. The green circle in (c) exhibit 68% containment radii of the LHAASO source. The dashed
white line indicate the direction of the Galactic plane with b = →2↑. The yellow circles show the corresponding 68% containment
radii of LHAASO PSF at the corresponding energy range. (d) shows spectra of two point-like sources associated with the east
and west lobes of SS 433 with blue circles and red squares respectively. The spectrum of the central extended source is shown
with the black dots; (e) compares the total measured spectrum (with the fluxes associated with the two lobes summed up) and the
prediction of models. The red solid curve showcases the best-fit spectrum based on multiwavelength data with a single leptonic
component (see SM for details), where the red band represents the 1ω uncertainty. The best-fit value of the high-energy spectral
cutoff energy is about Ee,max = 10 PeV. The red dashed curve shows the predicted spectrum with a conservative Ee,max = 200 TeV
with other parameters unchanged. The target photon fields of IC radiation include the cosmic microwave background and interstellar
radiation [28]. The solid blue curve shows an additional hadronic component and the solid black curve is the sum of the hadronic
component and leptonic component with Ee,max = 200 TeV. In (d) and (e), error bars represent the 1ω uncertainties of fluxes and
bars with downward-pointing triangles are one-tailed 95% upper limits of the flux. In (d), The vertical brackets showcase the 1ω
uncertainties of the flux including the systematic errors.
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Figure 3. Spectra of the LHAASO sources associated with four microquasars. (a) V4641 Sgr; (b) GRS 1915+105; (c)
MAXI J1820+070; (d) Cygnus X-1. In each panel, error bars represent the 1ω statistical uncertainties of measured fluxes and
bars with downward-pointing triangles (if present) are one-tailed 95% upper limits of the flux. Vertical brackets showcase the 1ω
uncertainties of fluxes including the systematic errors. Red solid lines represents the best-fit spectrum with a power-law function
and shaded regions showcase uncertainties.
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Figure 1. Significance maps and spectral energy distribution (SED) of SS 433 measured by LHAASO, with surrounding sources
being subtracted. (a - c): SS 433 at energy 1-25 TeV, 25-100 TeV and above 100 TeV. In top three panels, the green cross marks
the position of the BH of SS 433. In (a), the blue diamonds shows the position of H.E.S.S. detected gamma-ray emission above
10 TeV [22]. In (a) and (b), black crosses indicate the position of resolved two point-like sources at 1-25 TeV and 25-100 TeV. In (c),
the white contour indicates the H I atomic clouds at consistent distance of SS 433 (see Supplementary Materials). The cyan contour
show the X-ray emission of the two lobes. The green circle in (c) exhibit 68% containment radii of the LHAASO source. The dashed
white line indicate the direction of the Galactic plane with b = →2↑. The yellow circles show the corresponding 68% containment
radii of LHAASO PSF at the corresponding energy range. (d) shows spectra of two point-like sources associated with the east
and west lobes of SS 433 with blue circles and red squares respectively. The spectrum of the central extended source is shown
with the black dots; (e) compares the total measured spectrum (with the fluxes associated with the two lobes summed up) and the
prediction of models. The red solid curve showcases the best-fit spectrum based on multiwavelength data with a single leptonic
component (see SM for details), where the red band represents the 1ω uncertainty. The best-fit value of the high-energy spectral
cutoff energy is about Ee,max = 10 PeV. The red dashed curve shows the predicted spectrum with a conservative Ee,max = 200 TeV
with other parameters unchanged. The target photon fields of IC radiation include the cosmic microwave background and interstellar
radiation [28]. The solid blue curve shows an additional hadronic component and the solid black curve is the sum of the hadronic
component and leptonic component with Ee,max = 200 TeV. In (d) and (e), error bars represent the 1ω uncertainties of fluxes and
bars with downward-pointing triangles are one-tailed 95% upper limits of the flux. In (d), The vertical brackets showcase the 1ω
uncertainties of the flux including the systematic errors.
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• Morphological change  
- 1-5 TeV : Extended to e2  
- 10-20 TeV: Concentrated on e0

• Strongly supporting leptonic origin

• Velocity: ~ 0.05 - 0.1 c

• Our prediction in 2020 is consistent with  
HESS analysis results in 2022

• B-field: 10 - 20 G to reconcile X-ray data

HESS observation of SS433
13

are 5′ and 35′, respectively (Safi-Harb & Ögelman 1997), which
correspond to R 56dis pc and R 8.1knot pc, with a distance
of =d 5.5 kpcL .

Optical observations discovered filamentary structures located
close to the X-ray knots (Zealey et al. 1980), where the number
density can be as high as ~ -n 10 cm2 3 (Konigl 1983) and the
velocity is estimated to be ~ -V 10 cm sadv

7 1 (Boumis et al.
2007). On the other hand, Panferov (2017) estimates the mean
number density in W50 to be ~ -n 0.1 cm 3, and argues that the
jet is not significantly decelerated at the X-ray knot. In this case,
the bulk velocity of the emission region is likely to be

b»V c 4jadv , where the factor 4 indicates energy dissipation
by a strong shock. Since the advection velocity and the target gas
density in the X-ray knot are still largely uncertain, we examine
two values of the advection velocity: b= ´V c 4 1.9jadv

-10 cm s9 1 (scenarios A and C) or = -V 10 cm sadv
7 1 (scenarios

B and D). Even for the low advection velocity cases, we assume
a shock velocity of bj, because the accelerated electrons cannot
emit the observed X-rays with a lower value of the shock
velocity (see Section 3). Regarding the number density,
we define the effective number density as =n f neff fil fil, where

~ -n 100 cmfil
3 and –~ -f 10 1fil

4 are the number density and
the volume filling factor of the optical filaments, respectively.
Here we note that the magnetic field strength and the effective
number density are treated as independent parameters. Also,

because we assume f 1fil in our scenarios, we should
evaluate the magnetic field strength at the X-ray knot, and the
magnetic field strength does not have to scale with the effective
density.

3. Results

We calculate the photon spectra for various values of pinj, ee,
B, and neff to seek the parameter set that matches the data.
Since the radio map of W50 does not indicate any clear knot-
like structure (Dubner et al. 1998), we should regard the radio
data as an upper limit. We match the data by eye inspection,
and do not discuss the goodness of fit because of the
observational uncertainty and the limitation of the models.
Figure 2 shows both the leptonic and hadronic contributions to
the photon spectra for our scenarios whose parameter sets are
tabulated in Table 1. For all the scenarios, the electron
synchrotron emission is responsible for the X-ray data. The
Lorentz factor of electrons emitting the hard X-rays is
estimated to be

⎛
⎝⎜

⎞
⎠⎟ ( )g

p
» ´g g

-
-m cE

h eB
B

E4
4.1 10

30 keV
, 10e X

e

p
,

8
4.5
1 2

1 2

where hp is the Planck constant. The synchrotron cooling is the
dominant loss process in this energy range for all the scenarios.

Figure 2. Photon spectra from the extended jets of SS 433 for scenario A (top left), B (top right), C (bottom left), and D (bottom right). The red thick solid, green thin
long-dashed, and blue thin short-dashed lines are total, hadronic, and leptonic components, respectively. The observational data are taken from Geldzahler et al. (1980)
(circle), Brinkmann et al. (2007) (triangles), Safi-Harb & Ögelman (1997) (squares), MAGIC Collaboration et al. (2018) (crosses), and Fang et al. (2020) (pluses). The
thin solid, thin dashed, and thin dotted lines are sensitivity curves for e-ASTROGAM (1 yr; De Angelis et al. 2017), CTA (50hr; Cherenkov Telescope Array
Consortium et al. 2019), and LHAASO (1 yr; Bai et al. 2019). Scenarios A, B, and D can reproduce the GeV–TeV gamma-ray data, while scenario C cannot reproduce
the Fermi data. The thin dotted–dashed lines are the muon neutrino spectra (i.e., neutrino spectra per flavor). Also, the CTA sensitivity curve is for a point source. The
TeV gamma-ray emission region in SS 433 is extended, which worsens the sensitivity.
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electrons, not hadrons, because the loss time-
scale for hadronic processes depends only
very weakly on particle energy (33). The dom-
inant energy-loss mechanism for high-
energy electrons is likely synchrotron cooling.
We conclude that the observed gamma-ray
emission is the result of inverse Compton
scattering (33, 34) of photons by high-energy
electrons. Ironandotherheavynuclei are known
to be present in the jet (35), so theymight also be
accelerated in the same region, but our observa-

tions cannot be used to constrain their presence
(supplementary text).
The shorter cooling time of higher-energy

electrons limits the distance from the acceler-
ation site within which they can radiate be-
cause they are transported away through
either diffusion or advection. The absence
of emission above 10 TeV at the location of the
x-ray knots e2 and w2 (Fig. 1A) indicates that
they cannot be sites of particle acceleration to
tera–electron volt energies, contradicting pre-

vious interpretations (27, 36). Instead, the con-
centration of emission above 10 TeV at the
base of the x-ray emission from the outer jets
indicates that this region is the site of particle
acceleration to very high energies. We inter-
pret the energy-dependent position of the
gamma-ray emission in the jets of SS 433 as
a consequence of the cooling and transport
of particles that are accelerated at the base of
the outer jets. A schematic diagram of our
proposed interpretation is shown in Fig. 3.

Fig. 1. Gamma-ray observa-
tions of SS 433. (A) Significance
map of the H.E.S.S. observations
at energies >0.8 TeV (color
bar). Cyan contours show the
previously published x-ray emis-
sion (14, 15). Labeled white
crosses indicate locations of x-ray
regions discussed in the text.
Significance is for the H.E.S.S.
excess counts above the
background before accounting
for statistical trials and after
subtraction of the extended
source HESS J1908+063
(subtraction shown in fig. S2).
The map has been smoothed with
a top-hat function of radius
0.1°. The white circle indicates
the 68% containment region of
the H.E.S.S. point-spread function
(PSF). The green cross indicates
the position of the possibly
related source Fermi J1913+0515,
and the green circle is its uncertainty. (B) Orange circles indicate our measured spectral energy distribution of the gamma-ray emission from the western jet. The red square
is a measurement from previous observations (27). Error bars indicate the combined statistical (1s) and systematic uncertainties; downward arrows indicate upper limits
at 95% confidence. The solid line is the best-fitting power-law function, with dark and light shaded regions indicating the statistical and systematical uncertainties,
respectively. (C) Same as (B) but for the eastern jet. The regions from which the spectra shown in (B) and (C) were extracted are shown in fig. S2B.

Fig. 2. Gamma-ray observations in different energy bands. Same as Fig. 1A, but split into three gamma-ray energy bands of (A) 0.8 to 2.5 TeV, (B) 2.5 to 10 TeV,
and (C) >10 TeV.
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• Hillas Energy for SS433 jets:  
 

=> Micro-quasars can be super-PeVatron

• Luminosity of super-Eddington XRBs:  
  

=>  erg/s

• CR power necessary to explain PeV CRs:  

• A few to 10 super-Eddington objects suffices to explain PeV CRs

Emax ≈ eBRβ ∼ 10B−5R5pc PeV

Lj ∼ 1039 erg/s
LCR,xrb ∼ 3 × 1037ϵp,−1.5

4

FIG. 2. The energy spectrum of escaping CRs predicted in
the shear acceleration mechanism from Monte Carlo simula-
tions. The parameters are listed in Table I. The above plot is
multiplied with exp(→R/Rmax), where Rmax = 4↑ 107 GeV
is the maximum acceleration energy from microquasar jets.

and the resulting energy spectra for escaping CR protons
are shown in Fig. 2. As seen in the figure, our shear
acceleration scenario can achieve spectral peak around
PeV energies with reasonable parameters (see Section V
for discussion of parameter choices). The escaping CR
proton spectrum shows a hard spectrum below the peak
and a gradual cuot! above the peak.

III. OBSERVED COSMIC-RAY SPECTRUM ON
EARTH

In general, the propagation of CRs in our Galaxy can
be described by the transport equation [87, 88],

ωNi(E,x)

ωt
+V ·→Ni(E,x)↑→ · [D(r)→Ni(E,x)]

= Qi(E,x, t)↑ piNi(E,x)

+
vε(x)

mp

∑

k→i

∫
dϑi,k(E,E

↑)

dE
Nk(E

↑
,x)dE↑

, (6)

where Ni(E,x) is the number density per energy at po-
sition x, and the second and third terms in the left side
describe the time evolution of particle number density
due to advection and spatial di!usion, respectively. The
first term in the right side represents injection of par-
ticles of type i, and the second and last term accounts
for the loss and gain processes. Here, the loss of nu-
clei of type i caused by collisions and decay with a rate
pi = vε/ϖi + 1/ϱςi, where ε is the interstellar medium
density, ϖi is the mean free path of interactions when
particle propagates inside Galaxy, ςi is the decay time
of particle of type i, and ϱ is particle Lorentz factor.
In this study, we employ a publicly available version of

FIG. 3. Predicted CR intensity on Earth and the mean mass
↓ln(A)↔ distribution from microquasars. The all-particle en-
ergy spectra are taken from LHAASO [5], HAWC [51], NU-
CLEON [82], TIBET [4], TA [83], and Auger [84], while the
proton spectrum are taken from LHAASO [18], KASCADE-
Grande [85], and IceTop [86]. The measurement of the mean
mass ↓ln(A)↔ distribution are taken from LHAASO [5] and
IceTop [86].

the DRAGON code to propagate CRs from sources to
Earth [89]. The maximum value of Galactocentric ra-
dius is RG = 10 kpc and halo size is HG = 4 kpc.
The spatial distribution of microquasars is unknown.
High-Eddington ratio Microquasars, including SS 433
or Sgr V4641, likely follow the distribution of massive
stars, and thus, they have similar spatial distribution
with Galactic SNRs. For the source distribution, we
adopt the Ferriere2001 model [90], based on the pop-
ulation studies on SNRs. The spatial distribution of
the di!usion coe”cient is constant and parametrized as
D = 23.8 ↓ 1028(R/250 GV)ωcm2 s↓1 with φ = 0.45 for
R < 250 GV, while φ = 1/3 for R ↭ 250 GV [91, 92].
The chosen di!usion coe”cient is determined by the ob-
served Boron to Carbon (B/C) ratio [93].
We adjust the energy injection rate of CRs to match

the CR data at PeV energies, which requires Qcr,tot ↔
1.3 ↓ 1042 erg kpc↓3 yr↓1. The energy injection rate
integrated over the Galactic volume is

Lcr,tot = QCR,totVG ↗ 1.5↓ 1038 erg s↓1
, (7)

Super-Eddington micro-quasars
14

estimate the power output in CRs as ( )> *L E ECR( ) ( )/ /¥ +*E1.5 10 100 10 GeV erg s40
10

1 0.7 1. For parti-
cles whose gyroradius exceeds the correlation scale of the
local MHD turbulence, the scattering mean free path will
increase as E2. However, this does not imply an equivalent
rapid shortening of escape times due to the anisotropic nature
of transport in the large-scale magnetic feld of the Milky Way.
For example, G. Giacinti et al. (2015) have performed test
particle simulations of CRs in different Galactic magnetic feld
models with superimposed Kolmogorov turbulence and fnd
that the grammage in the 0.1–100 PeV CR energy range is
consistent with energy-dependent escape times with index
δ ≈ 1/3 breaking only above several PeV. Allowing for some
uncertainty in δ, the required CR power from sources above
the knee is ( ) ( )/> = ¥L E A3 PeV 10 100 erg s38

10
1 1,

where A ≈ 1.4 (12) for δ = 1/3 (1/2). Since the kinetic
luminosity in the super-PeVatron sources should be at
least 1039 erg s−1, a few super-PeVatrons may be
suffcient to explain the CR mux around and above the knee
provided that approximately 10% of the outmow’s kinetic
energy is converted to CRs. If the accelerated spectrum of
super-PeVatrons below 1 PeV extends as a power law with an
index α ≈ 2.7 − δ, they could account for the entire CR
population from GeV to tens of PeV energies, but the total
power in CRs should satisfy ( )> ¥L E 3 GeV 0.9CR( )/10 100 erg s41

10
1 1 for δ = 1/2. If the source spectrum

mattens (i.e., α < 2.7 − δ) at lower energies, super-PeVatrons
contribute less below the knee. This is consistent with
the usual paradigm, where SNRs play a dominant role
(V. L. Ginzburg & S. I. Syrovatskii 1964).

2.3. Potential Candidates of Super-PeVatron

Certain individual representatives of select source popula-
tions can satisfy the condition given by Equation (2). The
parameter space [ ]/L E Z, ,K max is shown in Figure 1 for
SNRs; young stellar clusters (YSCs); pulsar winds; the GC,
especially the supermassive black hole (SMBH), Sgr A*; and
the objects of the main interest of this work, superaccreting
XRBs characterized with (trans)relativistic outmows.

2.3.1. Young Stellar Clusters (YSCs)

Clusters of hot massive stars, with powerful winds, have
received considerable attention in recent years. However, even
the most powerful known stellar cluster in the Milky Way,
Westerlund 1, has a kinetic power ≲1039 erg s−1 (H.E.S.S.
Collaboration et al. 2022). Collective cluster winds, should
they exist, must be super-Alfvénic i.e., MA ≫ 1. Since in the
nonrelativistic limit ( )/= M1 2 1A

2 , clusters are not
expected to act as super-PeVatrons (see T. Vieu et al. 2022
for an in-depth discussion).

2.3.2. Supernovae and SNRs

One can similarly estimate the power processed by the outer
shock of a core-collapse SNR. The fast shock produced
following the supernova (SN) explosion will propagate into the
wind of its progenitor. Assuming that prior to exploding the
progenitor had a steady mass-loss rate =M r v4 2

wind,
adopting numerical values typical for a red supergiant, the
total power processed by a quasi-spherical shock is

( )

( )

/

¥

L u A Mu u v

M
M

u

v

1
2

1
2

10
10 yr 10 km s

30 km s
erg s . 3

K,SNR sh
3

eff sh
2

sh w

41
5 1

sh
4 1

3

wind
1

1
1

Note that faster winds, such as those expected from Wolf–
Rayet progenitors, reduce the mass processing rate. Despite the
considerable power, in practice, the ambient magnetic feld of
an isolated core-collapse SNR is expected to be weak since
stellar winds must be super-Alfvénic, i.e., vA� vwind, and
hence σ ≪ 1. Current models of CR-driven magnetic feld
amplifcation optimistically predict the maximum energy at
≳ PeV (V. N. Zirakashvili & V. S. Ptuskin 2008; A. R. Bell
et al. 2013), though see P. Cristofari et al. (2020) for a critical
view. It is always possible that these models have overlooked
some aspect of particle acceleration at SNR shocks, such as
superluminous SNe, hypernovae, or SNe in stellar clusters. It
has been argued that turbulently amplifed magnetic felds in
the cores of compact massive stellar clusters may enhance the
maximum energy in SNRs from dead massive stars therein
(T. Vieu et al. 2022).

2.3.3. Pulsar Wind Nebulae

The detection of PeV photons from the Crab Nebula
confrms that powerful pulsars can accelerate particles to
multi-PeV energies (LHAASO Collaboration et al. 2021).
However, based on the current pulsar catalog (R. N. Manches-
ter et al. 2005; D. A. Smith et al. 2023),5 the total spin-down
power of known pulsars is around 3.6 × 1039 erg s−1, with four
sources having ∼1038 erg s−1. The hadronic fraction of this
power is unknown, and the matter content may in fact be
dominated by electron/positron pairs, making their contrib-
ution to the Galactic CR population above the knee unclear.
We nevertheless include the Crab as an example in Figure 1
and Table 1.

Figure 1. The maximum rigidity of Equation (1) for YSCs, SNe, and SNRs,
pulsar wind nebulae (exemplifed by Crab Nebula), the GC, and superaccreting
XRBs. The corresponding kinetic power, magnetization, and velocity for this
plot are summarized in Table 1. We assume ˜ = 4 for the background shading
area with different values of σ. For microquasar jets, the maximum energy can
be higher than the shaded area because of ˜ = 1.

5 https://www.atnf.csiro.au/people/pulsar/psrcat/
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2

quasars are X-ray binaries with relativistic jets [39] and
display phenomenology similar to active galactic nuclei
(AGNs), although the size of the system is orders of mag-
nitude di!erent. It is suggested that shear and one-shot
acceleration in the large-scale jet of radio galaxies can be
responsible for the origin of UHECRs [40–44]. This mo-
tivates us to investigate whether the shear acceleration
by microquasar jets can be Galactic PeVatrons. Previous
studies also suggest microquasars as PeVatrons [45–47],
but these studies consider CR acceleration by shocks in
jets or magnetic reconnections in accretion flows.

The paper is organized as follows. In Section II, we
study the physics of Galactic microquasars and the shear
acceleration process in the jet-cocoon system of micro-
quasars. In Section III, we propagate the escaped CRs
from microquasars and compare the results with obser-
vations. In Section IV, we combine CRs from Galac-
tic SNRs and contributions from the shear acceleration
process from extragalactic clusters of galaxies and radio
galaxies, we proposed an overall picture of the origin of
CRs on a wide energy range from GeV to → 100 EeV.
We give a summary and discussion in Sec. V.

II. COSMIC RAYS ACCELERATED IN
MICROQUASARS

A. The physics of microquasar jets

A microquasar consists of a compact object, usually
a black hole, and a companion star, see Fig. 1 for a
schematic plot. Currently, over 20 microquasars have
been identified in our Galaxy [48, 49]. In the micro-
quasar systems, material of the companion star falls to
the compact star, which releases a large amount of the
gravitational energy. A part of the gravitational en-
ergy is converted to outflow kinetic energy. These out-
flows, called jets, are launched at the vicinity of the
compact star, narrowly collimated to a small solid an-
gle, and often reach relativistic speeds. The kinetic
power of the jets can reach the Eddington luminosity,
Lj → LEdd → 1 ↑ 1039(M/10M→) erg s↑1. The jets
propagate in interstellar medium and extend to → 100
pc scales, which is many orders of magnitude larger than
the scale of the compact star. See Ref. [50] for a com-
prehensive review.

Recently, Ref. [38] reported detection of gamma rays
above 100 TeV from five microquasars, three of which
(SS 433, V4641 Sgr, and GRS 1915+105) exhibit ex-
tended gamma-ray morphology whose emission zone is
as large as → 50↓ 100 pc . These gamma-rays are most
likely originating from the radiation of nonthermal par-
ticles accelerated in the extended jets [38, 51, 52]. The
other two (Cyg X-1 and MAXI J1820+070) are consis-
tent with point source, possibly suggesting a compact
emission region [53, 54], although the best fit positions
of gamma-ray sources have slight o!sets from those of
X-ray binaries.

Microquasar

Jet
Cocoon

Star

BH

SMBH

Galactic

SNR

Jet Cocoon

CR

Enter 
cocoon

EscapeEscape

FIG. 1. A schematic plot of the reacceleration of Galactic low-
energy GeV-TeV CRs in the large-scale jet-cocoon system of
microquasars.

SS 433 is a binary system consisting of a compact ob-
ject and a supergiant star, with a pair of jets moving
in opposite directions with launch velocity v → 0.26 c,
where c is the speed of light [55]. The extended two-
sided jets with → 40 pc are detected in X-rays [56], and
radio lobes surrounding the system extends up to → 150
pc [57, 58]. VHE gamma-ray emission from SS 433 has
been detected at the jet lobes, which are spatially co-
incident with the X-ray hotspots [38, 52, 59, 60]. The
observed gamma-ray emission is consistent with inverse
Compton emission from a single population of electrons,
and the magnetic field strength inside the jet is → 20 µG.
Refs. [61, 62] pointed out that nonthermal electrons ac-
celerated at SS 433 jets achieves PeV energies with a
small Bohm factor, based on multiwavelength modeling.
In addition, Ref. [63] performed magnetohydrodynamics
(MHD) simulations of the propagation of the jet in the
surrounding medium, where the jet is spheroidal at early
times and the wings are developed by the broadening
spherical cocoon.

V4641 Sgr is another interesting microquasar who
emits gamma-rays above 100 TeV. The morophorogy of
the gamma-ray signal is clear two-sided lobe structure,
and the size of the lobe is roughly → 100 pc [38, 64].
Spatially extended X-ray signature is also detected from
this objects, although the X-ray signal is concentrated on
the central region within → 15 pc from the central black
hole [65]. The multiwavelength modeling of this system
indicates B ↭ 10µG at the X-ray emission region.

GRS 1915+105 is a highly variable object that exhibits
super-luminal motion with extended jets of sub-pc scales
[66]. Its Eddington ratio used to be → 0.1 ↓ 1 [67] and
suddenly decreased to 0.01 in 2018 [68]. The gamma-
ray source detected by LHAASO exhibits an extension
of → 50 pc [38], which is consistent with the two-sided
lobe structure detected by ALMA [69].

The microquasar S26 in the Sculptor Galaxy NGC
7793 consists of a black hole and a Wolf-Rayet star. Its
nebula spans 350 ↑ 185 pc [70], and the jet’s kinetic lu-
minosity Lj → 5↑1040 erg s↑1 suggests super-Eddington

• TeV CRs in our Galaxy are  
re-accelerated by micro-quasar jets by shear acceleration

Shear Acceleration Scenario
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• Monte-Carlo simulation for  
discrete shear acceleration 

 => TeV CRs are injected
• Typical micro-quasars can achieve  

 PeV  

•  for 

• Gradual cutoff for 

• Entrainment of Galactic CRs of TeV 
energies leads to 

rL > lshear

Epk ∼ 1 − 3

E2 dN
dEdt
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FIG. 2. The energy spectrum of escaping CRs predicted in
the shear acceleration mechanism from Monte Carlo simula-
tions. The parameters are listed in Table I. The above plot is
multiplied with exp(→R/Rmax), where Rmax = 4↑ 107 GeV
is the maximum acceleration energy from microquasar jets.

and the resulting energy spectra for escaping CR protons
are shown in Fig. 2. As seen in the figure, our shear
acceleration scenario can achieve spectral peak around
PeV energies with reasonable parameters (see Section V
for discussion of parameter choices). The escaping CR
proton spectrum shows a hard spectrum below the peak
and a gradual cuot! above the peak.

III. OBSERVED COSMIC-RAY SPECTRUM ON
EARTH

In general, the propagation of CRs in our Galaxy can
be described by the transport equation [87, 88],

ωNi(E,x)

ωt
+V ·→Ni(E,x)↑→ · [D(r)→Ni(E,x)]

= Qi(E,x, t)↑ piNi(E,x)

+
vε(x)

mp

∑

k→i

∫
dϑi,k(E,E

↑)

dE
Nk(E

↑
,x)dE↑

, (6)

where Ni(E,x) is the number density per energy at po-
sition x, and the second and third terms in the left side
describe the time evolution of particle number density
due to advection and spatial di!usion, respectively. The
first term in the right side represents injection of par-
ticles of type i, and the second and last term accounts
for the loss and gain processes. Here, the loss of nu-
clei of type i caused by collisions and decay with a rate
pi = vε/ϖi + 1/ϱςi, where ε is the interstellar medium
density, ϖi is the mean free path of interactions when
particle propagates inside Galaxy, ςi is the decay time
of particle of type i, and ϱ is particle Lorentz factor.
In this study, we employ a publicly available version of

FIG. 3. Predicted CR intensity on Earth and the mean mass
↓ln(A)↔ distribution from microquasars. The all-particle en-
ergy spectra are taken from LHAASO [5], HAWC [51], NU-
CLEON [82], TIBET [4], TA [83], and Auger [84], while the
proton spectrum are taken from LHAASO [18], KASCADE-
Grande [85], and IceTop [86]. The measurement of the mean
mass ↓ln(A)↔ distribution are taken from LHAASO [5] and
IceTop [86].

the DRAGON code to propagate CRs from sources to
Earth [89]. The maximum value of Galactocentric ra-
dius is RG = 10 kpc and halo size is HG = 4 kpc.
The spatial distribution of microquasars is unknown.
High-Eddington ratio Microquasars, including SS 433
or Sgr V4641, likely follow the distribution of massive
stars, and thus, they have similar spatial distribution
with Galactic SNRs. For the source distribution, we
adopt the Ferriere2001 model [90], based on the pop-
ulation studies on SNRs. The spatial distribution of
the di!usion coe”cient is constant and parametrized as
D = 23.8 ↓ 1028(R/250 GV)ωcm2 s↓1 with φ = 0.45 for
R < 250 GV, while φ = 1/3 for R ↭ 250 GV [91, 92].
The chosen di!usion coe”cient is determined by the ob-
served Boron to Carbon (B/C) ratio [93].
We adjust the energy injection rate of CRs to match

the CR data at PeV energies, which requires Qcr,tot ↔
1.3 ↓ 1042 erg kpc↓3 yr↓1. The energy injection rate
integrated over the Galactic volume is

Lcr,tot = QCR,totVG ↗ 1.5↓ 1038 erg s↓1
, (7)

where tad ≈ rcoc=vexp is the adiabatic cooling time, vexp is
the expansion velocity, and ncr ∼ 2.2 × 10−14 cm−3 is the
observed number density of CRs at rigidity 0.32 TV.
Assuming that CRs are accelerated to PeV energies, the
total luminosity of CRs accelerated by a microquasar is
roughly estimated to be

LCR≈EmaxṄCR

≃ 5.0×1037
!
rjet
3 pc

"
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!
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3000 kms−1

"

×
!
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60 pc

"−1! Bcoc

10 μG

"!
lcoh

1.8 pc

"
1=2

!
βjet
0.3

"
ζ erg s−1:

ð5Þ

We perform Monte Carlo simulations with the code used
by KMZ18 [40] with parameters given in Table I, and the
resulting energy spectra and luminosity of the escaping CR
protons are shown in Fig. 2. As seen in the figure, our shear
acceleration scenario can achieve a spectral peak around
PeV energies with reasonable parameters (see Sec. V for a
discussion about parameter choices). The escaping CR
proton spectrum shows a hard component (spectral index
∼0.8) below the peak energy and a gradual cutoff above it.

III. OBSERVED COSMIC-RAY SPECTRUM ON
EARTH

In general, the propagation of CRs in our Galaxy can be
described by the transport equation [86,87]

∂NiðE;xÞ
∂t

þ V ·∇NiðE;xÞ −∇ · ½DðrÞ∇NiðE;xÞ%

¼ QiðE;x; tÞ − piNiðE;xÞ

þ vρðxÞ
mp

X

k≥i

Z
dσi;kðE;E0Þ

dE
NkðE0;xÞdE0; ð6Þ

whereNiðE;xÞ is the number density per energy at position
x, and the second and third terms on the left side describe
the time evolution of the particle number density due to
advection and spatial diffusion, respectively. The first term
on the right side represents the injection of particles of type
i, and the second and last terms account for the loss and
gain processes. Here, the loss of nuclei of type i caused by
collisions and decay with a rate pi ¼ vρ=λi þ 1=γτi, where
ρ is the interstellar medium density, λi is the mean free path
of interactions when a particle propagates inside the
Galaxy, τi is the decay time of a particle of type i, and
γ is the particle Lorentz factor. In this study, we employ a
publicly available version of the DRAGON code to propagate
CRs from sources to Earth [88]. The maximum value
of the galactocentric radius is RG ¼ 10 kpc and the halo
size is HG ¼ 4 kpc. The spatial distribution of micro-
quasars is unknown. High-Eddington ratio microquasars,
including SS 433 or Sgr V4641, likely follow the distri-
bution of massive stars, and thus, they have similar spatial
distribution with Galactic SNRs. For the source distribu-
tion, we adopt the Ferriere2001 model [89] based on the
population studies of SNRs. The spatial distribution of the
diffusion coefficient is constant and parametrized as
D ¼ 23.8 × 1028ðR=250 GVÞδ cm2 s−1 with δ ¼ 0.45 for
R < 250 GV, while δ ¼ 1=3 for R ⩾ 250 GV [90,91].
The chosen diffusion coefficient is determined by the
observed boron to carbon (B=C) ratio [92].
We adjust the energy injection rate of CRs to match the

CR data at PeV energies, which requires Qcr;tot ∼ 1.3×
1042 erg kpc−3 yr−1. The energy injection rate integrated
over the Galactic volume is

Lcr;tot ¼ QCR;totVG ≃ 1.5 × 1038 erg s−1; ð7Þ

where VG ∼ 2πR2
G ×HG ∼ 1 × 1068 cm3 is the Galactic

volume. Our scenario is consistent with the value required

FIG. 2. The energy spectrum of escaping CRs predicted in the
shear acceleration mechanism from Monte Carlo simulations.
The parameters are listed in Table I. The above plot is multiplied
with expð−R=RmaxÞ, where Rmax ¼ 4 × 107 GeV is the maxi-
mum acceleration energy from the microquasar jets.

TABLE I. Model parameters used in Monte Carlo simulations.

Parameters rjet (pc) Bjet (μG) βjet rcoc (pc) Bcoc (μG) lcoh (pc) ljet (pc)

Value 3 50 0.3 60 10 1.8 100
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several hundreds of TeV implicates the emergence of a new
component that has maximum energy at least up to a few
PeV [18].
The physical origin of the knee is still unknown and

should be related to Galactic PeVatrons. Supernova rem-
nants (SNRs) are believed to be responsible for CRs at least
up to the knee [19,20]. However, SNRs as PeVatrons are
challenged by both theoretical and observational studies
[21–24], potentially implying the existence of another type
of PeVatron. Potential candidates for PeVatrons include
massive stars and stellar clusters [25–27], pulsars and
pulsar winds [28–31], superbubbles [32], hypernovae
[33] and interacting supernovae [34,35], and isolated black
holes [36,37]. The detection of very-high-energy (VHE)
gamma rays has shown that microquasars are promising
sites for accelerating CRs around PeVand above, indicating
potential sources of Galactic PeV CRs [38]. Microquasars
are x-ray binaries with relativistic jets [39] and display
phenomenology that is similar to active galactic nuclei
(AGNs), although the size of the system is orders of
magnitude different. It is suggested that shear and one-
shot acceleration in the large-scale jet of radio galaxies can
be responsible for the origin of UHECRs [40–44]. This
motivates us to investigate whether the shear acceleration
by microquasar jets can be Galactic PeVatrons. Previous
studies also suggest microquasars as PeVatrons [45–47],
but these studies consider CR acceleration by shocks in jets
or magnetic reconnections in accretion flows.
The paper is organized as follows: In Sec. II, we study

the physics of Galactic microquasars and the shear accel-
eration process in the jet-cocoon system of microquasars.
In Sec. III, we propagate the escaped CRs from micro-
quasars and compare the results with observations. In
Sec. IV, we combine CRs from Galactic SNRs and
contributions from the shear acceleration process from
extragalactic clusters of galaxies and radio galaxies, and
we propose an overall picture of the origin of CRs on a
wide energy range from GeV to ∼100 EeV. We give a
summary and discussion in Sec. V.

II. COSMIC RAYS ACCELERATED IN
MICROQUASARS

A. The physics of microquasar jets

A microquasar consists of a compact object, usually a
black hole, and a companion star; see Fig. 1 for a schematic
plot. Currently, over 20 microquasars have been identified
in our Galaxy [48,49]. In the microquasar systems, material
of the companion star falls to the compact star, which
releases a large amount of the gravitational energy. A part
of the gravitational energy is converted to outflow kinetic
energy. These outflows, called jets, are launched at the
vicinity of the compact star, narrowly collimated to a small
solid angle, and often reach relativistic speeds. The kinetic
power of the jets can reach the Eddington luminosity

Lj ∼ LEdd ∼ 1 × 1039ðM=10M⊙Þ erg s−1. The jets propa-
gate in an interstellar medium and extend to ∼100 pc
scales, which is many orders of magnitude larger than the
scale of the compact star. See Ref. [50] for a compre-
hensive review.
Recently, Ref. [38] reported the detection of gamma rays

above 100 TeV from five microquasars, three of which (SS
433, V4641 Sgr, and GRS 1915þ 105) exhibited extended
gamma-ray morphology whose emission zone was as large
as ∼50–100 pc. These gamma rays are most likely origi-
nating from the radiation of nonthermal particles accel-
erated in the extended jets [38,51,52]. The other two (Cyg
X-1 and MAXI J1820þ 070) are consistent with the point
source, possibly suggesting a compact emission region
[53,54], although the best fit positions of gamma-ray
sources have slight offsets from those of x-ray binaries.
SS 433 is a binary system consisting of a compact object

and a supergiant star, with a pair of jets moving in opposite
directions with launch velocity v ∼ 0.26 c, where c is the
speed of light [55]. The extended two-sided jets with
∼40 pc are detected in x-rays [56], and radio lobes
surrounding the system extend up to ∼150 pc [57,58].
VHE gamma-ray emission from SS 433 has been detected
at the jet lobes, which are spatially coincident with the x-ray
hot spots [38,52,59,60]. The observed gamma-ray emission
is consistent with inverse Compton emission from a single
population of electrons, and the magnetic field strength
inside the jet is ∼20 μG [61]. References [62,63] pointed
out that nonthermal electrons accelerated at SS 433 jets
achieve PeV energies with a small Bohm factor, based on
multiwavelength modeling. In addition, Ref. [64] per-
formed magnetohydrodynamics (MHD) simulations of
the propagation of the jet in the surrounding medium,
where the jet is spheroidal at early times, and the wings are
developed by the broadening spherical cocoon.
V4641 Sgr is another interesting microquasar that emits

gamma rays above 100 TeV. The morphology of the
gamma-ray signal is a clear two-sided lobe structure,
and the size of the lobe is ∼100 pc [38,65]. A spatially

FIG. 1. A schematic plot of the reacceleration of Galactic low-
energy GeV-TeV CRs in the large-scale jet-cocoon system of
microquasars.
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to explain CRs in the knee energy range if we have around
three to ten microquasars in our Galaxy. For our scenario to
work, microquasars need to have extended jets of ∼100 pc.
Only two objects (SS433 and V4641 Sgr) exhibit such a
feature. The other three microquasars, GRS 1915, Cyg X-1,
and MAXI J1820, do not have such large-scale extended
jets, although they have more compact jets. Since we can
observe only less than half of our Galaxy, three to ten
microquasars with extended jets sounds more reasonable.
Note that the required number of microquasars with

extended jets depends on the injection energy given
by Eq. (2).
In Fig. 3, we present the predicted energy spectrum and

mean mass hlnðAÞi of CRs from Galactic microquasars in
our shear acceleration scenario. Note the shaded region in
the lower panel, about hlnðAÞi are affected by low- and
high-energy components. In our scenario, the CR compo-
sition ratio is determined by the Galactic CR composition
ratio at the rigidity ofRinj ¼ Einj=Z. Since Einj is uncertain,
we examine several values of Einj (see the next paragraph).
In Fig. 3, we adopt the CR composition at 300 GV from the
AMS-02 observation [93–97]. Our model demonstrates
that CRs from microquasars could explain both proton and
all-particle spectrum around the knee. The hard proton
spectrum below the peak energy (at a few PeV) and a steep
power-law decay beyond the peak predicted by our model
agrees well with the LHAASO observations. Furthermore,
the model self-consistently predicts the spectra of helium,
intermediate mass, and heavy nuclei around the knee,
with their relative abundance normalized to the local
Galactic CR abundance at 300 GV. Future precision
measurements of light and heavy nuclei will provide a
critical test of this scenario.
For comparison, we also adopt the CR composition

inferred from AMS-02 observations at reference rigidities
of 100 GV and 1 TV [93–97]. We also consider a scenario
where injected CRs follow solar abundances f⊙, as
expected if they are swept from the interstellar medium
(ISM) [105]. The adopted composition ratios are summa-
rized in Table II. As demonstrated in Ref. [106], the
nonthermal tail of nuclei is enhanced by a factor of
ðA=ZÞ2, fenhance⊙ , for efficient diffusive acceleration in
nonrelativistic shocks considering a fully ionized state.
Our analysis shows that reaccelerating low-energy CRs
(100 GV—1 TV) yields a mean logarithmic mass hlnðAÞi
roughly consistent with observations near the CR knee. In
contrast, models assuming solar or enhanced solar compo-
sitions fail to reproduce the observed mass distribution. For
CRs from microquasars, the ðA=ZÞ2 ∼ A2 enhancement
scenario—expected in a singly ionized medium—predicts a
heavier CR composition than a fully ionized medium.
However, this leads to an overly heavy composition,
inconsistent with the observed hlnðAÞi. These results might
indicate that the reacceleration of preexisting low-energy

FIG. 3. Predicted CR intensity on Earth and the mean mass
hlnðAÞi distribution from microquasars. The all-particle energy
spectra are taken from LHAASO [5], HAWC [51], NUCLEON
[98], TIBET [4], TA [99], and Auger [100], while the proton
spectra are taken from LHAASO [18], KASCADE-Grande [101],
and IceTop [102]. The measurements of the mean mass hlnðAÞi
distribution are taken from LHAASO [5] and IceTop [102].

TABLE II. Injected CR composition at the rigidity 300 GV, 100 GV, and 1 TV for different composition models. In addition, we also
include solar composition f⊙ and enhanced solar composition fenhance⊙ by a factor of ðA=ZÞ2 for a fully ionized medium.

Z A fA;300 GV fA;100 GV fA;1 TV f⊙ fenhance⊙

P 1 1 0.787 0.803 0.767 0.922 0.747
He 2 4 0.194 0.18 0.212 0.077 0.250
CNO 7 16 0.0145 0.013 0.0157 0.007 0.003
NeMgAlSi 12 28 0.00374 0.00352 0.004 0.001 0.0006
Fe 26 56 0.00121 0.00097 0.0014 0.00002 0.0001
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to explain CRs in the knee energy range if we have around
three to ten microquasars in our Galaxy. For our scenario to
work, microquasars need to have extended jets of ∼100 pc.
Only two objects (SS433 and V4641 Sgr) exhibit such a
feature. The other three microquasars, GRS 1915, Cyg X-1,
and MAXI J1820, do not have such large-scale extended
jets, although they have more compact jets. Since we can
observe only less than half of our Galaxy, three to ten
microquasars with extended jets sounds more reasonable.
Note that the required number of microquasars with

extended jets depends on the injection energy given
by Eq. (2).
In Fig. 3, we present the predicted energy spectrum and

mean mass hlnðAÞi of CRs from Galactic microquasars in
our shear acceleration scenario. Note the shaded region in
the lower panel, about hlnðAÞi are affected by low- and
high-energy components. In our scenario, the CR compo-
sition ratio is determined by the Galactic CR composition
ratio at the rigidity ofRinj ¼ Einj=Z. Since Einj is uncertain,
we examine several values of Einj (see the next paragraph).
In Fig. 3, we adopt the CR composition at 300 GV from the
AMS-02 observation [93–97]. Our model demonstrates
that CRs from microquasars could explain both proton and
all-particle spectrum around the knee. The hard proton
spectrum below the peak energy (at a few PeV) and a steep
power-law decay beyond the peak predicted by our model
agrees well with the LHAASO observations. Furthermore,
the model self-consistently predicts the spectra of helium,
intermediate mass, and heavy nuclei around the knee,
with their relative abundance normalized to the local
Galactic CR abundance at 300 GV. Future precision
measurements of light and heavy nuclei will provide a
critical test of this scenario.
For comparison, we also adopt the CR composition

inferred from AMS-02 observations at reference rigidities
of 100 GV and 1 TV [93–97]. We also consider a scenario
where injected CRs follow solar abundances f⊙, as
expected if they are swept from the interstellar medium
(ISM) [105]. The adopted composition ratios are summa-
rized in Table II. As demonstrated in Ref. [106], the
nonthermal tail of nuclei is enhanced by a factor of
ðA=ZÞ2, fenhance⊙ , for efficient diffusive acceleration in
nonrelativistic shocks considering a fully ionized state.
Our analysis shows that reaccelerating low-energy CRs
(100 GV—1 TV) yields a mean logarithmic mass hlnðAÞi
roughly consistent with observations near the CR knee. In
contrast, models assuming solar or enhanced solar compo-
sitions fail to reproduce the observed mass distribution. For
CRs from microquasars, the ðA=ZÞ2 ∼ A2 enhancement
scenario—expected in a singly ionized medium—predicts a
heavier CR composition than a fully ionized medium.
However, this leads to an overly heavy composition,
inconsistent with the observed hlnðAÞi. These results might
indicate that the reacceleration of preexisting low-energy

FIG. 3. Predicted CR intensity on Earth and the mean mass
hlnðAÞi distribution from microquasars. The all-particle energy
spectra are taken from LHAASO [5], HAWC [51], NUCLEON
[98], TIBET [4], TA [99], and Auger [100], while the proton
spectra are taken from LHAASO [18], KASCADE-Grande [101],
and IceTop [102]. The measurements of the mean mass hlnðAÞi
distribution are taken from LHAASO [5] and IceTop [102].

TABLE II. Injected CR composition at the rigidity 300 GV, 100 GV, and 1 TV for different composition models. In addition, we also
include solar composition f⊙ and enhanced solar composition fenhance⊙ by a factor of ðA=ZÞ2 for a fully ionized medium.

Z A fA;300 GV fA;100 GV fA;1 TV f⊙ fenhance⊙

P 1 1 0.787 0.803 0.767 0.922 0.747
He 2 4 0.194 0.18 0.212 0.077 0.250
CNO 7 16 0.0145 0.013 0.0157 0.007 0.003
NeMgAlSi 12 28 0.00374 0.00352 0.004 0.001 0.0006
Fe 26 56 0.00121 0.00097 0.0014 0.00002 0.0001
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• Same scenario applied to radio galaxy  
=> We can explain UHECRs
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Ep;max is the proton maximum energy, and Zi is the particle
charge for a particle species with i. For low-energy CRs, we
discuss the analytical CR spectrum, and show that the high-
energy CRs can be accelerated mainly via the discrete shear
acceleration mechanism. Then, in Sec. III, we apply the
mechanism to the system that is composed of an AGN jet
and a cocoon inflated by the jet. We find that TeV-PeV CRs
injected from a galactic halo are naturally accelerated by
the shear acceleration, which can generate UHECRs with
energies up to 100 EeV (Fig. 1). We also calculate the
UHECR propagation in intergalactic space, and demon-
strate that our model accounts for the observed Auger data
well. In Sec. IV, we summarize our results and discuss
implications.

II. SHEAR ACCELERATION

Shear acceleration is a class of Fermi acceleration
mechanisms [39–43]. The shear acceleration occurs when
the relativistic particles are inside an ordered shear velocity
field, which is commonly expected in the astrophysical jets
[44–46] and accretion flows [47–49]. When the shear is
continuous in the scale of the mean-free path for scatterings
with magnetic fields, the acceleration mechanism is basi-
cally the same as the stochastic acceleration in a turbulence.
A particle that has a head-on (tail-on) collision gains (loses)
energy, and the particles are statistically accelerated
because the head-on collision is more probable than the
tail-on collision [48,50]. When the scattering mean-free
path is longer than the scale of the shear velocity gradient,
the acceleration is regarded as the Fermi process in the
discrete shear [42,44]. In our scenario, UHECR production
proceeds in this regime due to their large Larmor radii. The
spatial diffusion is important, so that we take a numerical
approach to properly consider the geometry. Note that the
continuous shear acceleration and discrete shear acceler-
ation are different in terms of the properties of CR
acceleration, which leads to the important difference in

their time scales such as the CR escape time and CR
acceleration time. This may result in distinct predictions for
CR spectra.

A. Discrete shear acceleration

1. Setup for Monte Carlo simulations

We consider a jet-cocoon system (see, e.g., [51,52]). To
mimic the geometry of interest (see Fig. 1), we consider
two cylinders with radii of Rjet and Rcoc. We parametrize
the cocoon radius as Rcoc ≡ ξc=jRjet. The shear between the
jet and cocoon is given by the jet velocity, cβjet. The cocoon
is quasispherical in general. For simplicity, we assume the
vertical length of the jet and the cocoon to be equal to
the cocoon radius: ljet ¼ lcoc ¼ Rcoc, which is sufficient for
the purpose of this work.
We expect that both the jet and cocoon have turbulent

magnetic fields that scatter the particles. We can para-
metrize the mean-free path inside the cocoon as
λi;coc ¼ ðE=Ei;cohÞδlcoh, where lcoh is the coherence length
and Ei;coh ¼ ZieBcoclcoh (Bcoc is the magnetic field strength
in the cocoon). The particles are resonantly scattered by
turbulence for E < Ei;coh, which leads to δ ¼ 1=3 if we
assume the Kolmogorov turbulence inside the cocoon [e.g.
[53]]. On the other hand, particles are scattered in a
nonresonant manner with small-scale turbulence for
E > Ei;coh, resulting in δ ¼ 2 [e.g. [54]]. Both the turbu-
lence and magnetic field are likely to be strong in the jet,
and the diffusion process in the strong turbulence is likely
to be the Bohm limit [49,55]. Thus, we use the Bohm limit
there, λi;jet ¼ E=ðZieBjetÞ, where Bjet is the magnetic field
strength in the jet. The particles move in a manner of the
random walk by these interactions, and undergo multiple
passage through the shear layer. This results in the discrete
shear acceleration.
For a given nuclear species, we inject 262,144 particles

with an injection energy of Ei;inj (see Sec. III A) at the jet-
cocoon boundary at t ¼ 0, and track them by a time of
t ¼ tad ≈ Rcoc=vexp, where vexp is the expansion velocity of
the cocoon. After this time scale, we expect that the
particles lose their energies due to the adiabatic expansion.
Since injected particles are reaccelerated to ultrahigh
energies, more than 89% of the particles escape from the
system by the end of simulation runs. The number of the
injected particles is normalized by the injection rate _Ninj

(see Sec. III A). The particles travel straightly until they are
scattered by a magnetic field. The scattering angle distri-
bution is assumed to be isotropic in the rest frame of each
fluid, which is a simplified but reasonable approximation in
our problem, given that almost all the particles experience
many scatterings during their residence time (cf. [56–58]
and references therein). When the particles diffuse out
beyond the cocoon radius, Rcoc, or the jet length, ljet, they
are recorded as “escaping” particles.

FIG. 1. The schematic picture of shear acceleration in a jet-
cocoon system of an AGN. A fraction of GCRs swept up by the
flow can be accelerated up to ultrahigh energies.
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lcoh, Bcoc). Next, we estimate the UHECR luminosity and
their composition ratio.
CR densities in radio galaxies are highly uncertain. Here,

we assume that the proton CR densities are comparable to
that in our Galaxy. While the star-formation rate of
elliptical galaxies may be lower than that of star-forming
galaxies by a factor of 3–10 [71,72], this uncertainty is
easily absorbed by uncertainties in the other parameters.
The GCR density inside the CR halo of Hh ∼ 5 kpc [59]
can be expressed as

ni;d ¼ Ki

!
Ei;inj

TeV

"−αiþ1

exp
!
−

Ei;inj

ZiPeV

"
: ð7Þ

Here, CR species are grouped as i ¼ H, He, C–O, Ne–Al,
Si–K, Ca–Mn, Fe. Their effective charge Zi and atomic
mass Ai are Zi ¼ 1, 2, 7, 11, 15, 23, 26 and Ai ¼ 1, 4, 14,
23, 30, 49, 56, respectively. We use the observed values at
E ∼ 1 TeV for the normalization of each component:KH ¼
3.6 × 10−15 cm−3 and Ki=KH ≃ 1, 0.65, 0.33, 0.17, 0.14
0.072, 0.23 [73,74]. In the galactic disk, the proton has a
softer index than the others [73–76], αH ≃ 2.7 and αi≠H ≃
2.6 [77]. In addition, we increase the abundance of nuclei
heavier than He by factor of 3 from the value above because
most of the radio galaxies have more metals than the
Galaxy due to their past star formation activities [79,80].
The number of swept-up particles of species i by the time

when ljet ¼ Hh is simply given by 2πR2
cocHhni;d, and we

assume that only the fraction, R2
jet=R

2
coc, is injected into

shear acceleration. Thus, the time-integrated number of
injected GCRs is written as Ni;inj ≈ 2πR2

jetHhni;d. The
swept-up particles of λi;sl < Rsl are accelerated by the
continuous shear that is ineffective to produce high-energy
CRs (see Sec. II B). Only the particles of λi;sl > Rsl can be
injected to the discrete shear acceleration process. Setting
λi;sl ¼ Rsl, the injection energy is given by
Ei;inj ≈ EcohðRsl=lcohÞ3 ∼ 15Zi TeV. Here, we use λi;sl ∼
λi;coc and Rsl ∼ 0.01Rjet ∼ 5 pc. The injected CRs are
accelerated until the adiabatic cooling is effective, tad ≈
Rcoc=vexp ∼ 1.6 Myr (where vexp ∼ 3000 km s−1 [68]). The
time-averaged injection rate of GCRs of species i to shear
acceleration is estimated to be

_Ni;inj ≈
Ni;inj

tad
≈
2πR2

jetHhni;d
tad

: ð8Þ

Renormalizing the simulation input by the injection rate,
we obtain the differential luminosity of UHECRs, LUHECR.
The CR luminosity density at 1019.5 eV is 0.6×
1044 ergMpc−3yr−1 (e.g., [33]), and the number
density of FR Is is roughly ∼10−5–10−4Mpc−3 [81,82].
Thus, LUHECR∼2×1040–2×1041 ergs−1 is required. Our
model can satisfy this requirement, as shown in
Fig. 3. Also, our model can avoid anisotropy constraints
at E ∼ 10 EeV [83] owing to the high source

number density with the heavy composition. The
relative abundance ratio at the same rigidity is
estimated to be ðfH;fHe;fC−O;fNe−Al;fSi−K;fCa−Mn;fFeÞ¼
ð0.73;0.21;0.042;0.011;0.0053;0.0014;0.0037Þ. Note that
we cannot freely change the abundance ratio among heavy
nuclei as well as the intrinsic spectral index, because they
are determined by the shear acceleration mechanism and
observed abundance of galactic CRs.

B. Comparison with observations

We calculate the propagation of the UHECRs from the
sources to the Earth using CRPROPA 3 [84,85]. The code
includes the photomeson production, the photodisintegra-
tion, and the electron-positron pair production through the
cosmic microwave background and extragalactic back-
ground light (EBL). The nuclear decay process is also
included. We use the EBL model of [86], and assume that

FIG. 4. The observed spectrum (upper panel), hXmaxi (middle
panel), and σðXmaxÞ (lower panel) of the UHECRs at the Earth.
The data of PAO and TA are taken from [13–15].

ULTRAHIGH-ENERGY COSMIC-RAY NUCLEI FROM BLACK … PHYS. REV. D 97, 023026 (2018)

023026-5
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FIG. 4. An overall picture of the CR spectrum from Galactic to extragalactic components. Gal pop1: CRs from supernova
remnants (SNR) [19, 20] (dotted curve); Gal pop2: CRs from microquasars (MQ) (dashed curve); ExGal pop1: CRs from
extragalactic sources, e.g., cluster of galaxies [101] (dotted-dashed curve); ExGal pop2: UHECRs from radio galaxies (RG) [40]
(long dashed curve). The data points are the same as those in Fig. 3, with the AMS data are taken from Refs. [94–98], and
the mean mass distribution measured by Auger is taken from Ref. [102].

neutron star merger remnants [92] and interacting super-
novae [108, 109] may explain another hardening feature
around 1016.22 eV reported by TALE [8].

For the subankle proton component, we consider clus-
ter of galaxies for the demonstrative purpose. We con-
sider the injected CRs have composition similar to so-
lar composition, but enhanced by a factor of (A/Z)2,
see the last column in Tabel II about f

enhance
→ . Note

that our results are una!ected by the composition as-
sumption unless the CRs are dominated by heavy nuclei,
and such nuclei can be largely disintegrated inside the
clusters [110, 111]. The source spectral index above 10-
100 PeV is scr = 2.4 and the maximum acceleration rigid-
ity Rmax = 3.7→1017 eV, following Ref. [101]. We propa-

gate CRs from an ensemble of extragalactic sources that
are uniformly distributed with the characteristic distance
between sources ds = 32.5 Mpc. The number density
of galaxy clusters is around 10↑5 Mpc↑3, which leads to
ds ↑ 46 Mpc. The observed flux is obtained with Eq. 6 in
Ref. [112]. We assumed a uniform extragalactic magnetic
field Brms = 1 nG and coherence length Lcoh = 1 Mpc.
UHECRs above EeV energies are produced from ra-

dio galaxies via the shear-espresso acceleration mecha-
nism [40–44, 79, 81]. Here, we adopt the predicted spec-
trum and composition model of UHECRs in KMZ18,
where CRs with rigidity ↑ 1 TV in radio galaxies are re-
accelerated by shear in kpc-scale jets. Since radio galax-
ies are more evolved than our Galaxy, KMZ18 considers

• E < 1 PeV:  
Supernova remnants

• 1 PeV < E < 0.3 EeV: 
Micro-quasars

• 0.3 EeV < E < 2 EeV:  
Extragalactic component 1  
(e.g., Galaxy clusters) 

• 2 EeV < E:  
Radio galaxies

Global fit result
19B.T. Zhang, SSK, Murase  2025
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Figure 5. Two-dimensional distribution of the various quantities for Model A: (a) the density overlaid with the velocity vectors, (b) the gas temperature, (c) the
plasma-β, (d) the magnetic energies via the toroidal component of field, (e) the same but of the poloidal component, (f) the magnetic pitch, (g) the radiation energy,
(h) the ratio of the radiation energy to the sum of the gas and magnetic energies, (i) and the ratio of the gas temperature to the radiation temperature. All values are
time-averaged over t = 6–7 s The white and black arrows in panel (a) indicate the velocity vectors whose magnitude exceed the escape velocity. The dashed line in
panel (b) is the photosphere, at which the optical thickness measured from the upper boundary is unity. The arrow in panel (g) shows the radiative flux vector.
(A color version of this figure is available in the online journal.)
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Figure 9. Same as Figure 5 but for model B. Each quantity is time-averaged over t = 9–10 s Note the different plot area from that of Figure 5.
(A color version of this figure is available in the online journal.)
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Figure 11. Same as panels (a)–(f) of Figure 5, but for model C. Here, note that there is no photosphere, since the flow is optically thin.
(A color version of this figure is available in the online journal.)

That is, the magnetic-pressure force, together with the gas-
pressure force, drives the outflows above and below the disk.
The outflow is thus accelerated upward; its velocity exceeds the

sound velocity at z ∼ 30 RS and reaches the escape velocity at
z ∼ 50 RS. Both the radiation force and the magnetic-tension
force are found to be negligible.
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L ∼ LEddL ∼ 0.01LEdd

Hard/Quiescent state 
Isolated Black holes

Soft state
ULX 
Micro-quasars

Hot Accretion Flow (RIAF)

Ohsuga & Mineshige 2011



• Accretion rate is high ( ) —> optically thick accretion disk + corona 

• Accretion rate is low ( ) —> only hot plasma surrounding the BH 

• Coulomb timescale >> infall timescale —> non-thermal particle production?

·Mc2 ≳ 0.01LEdd
·Mc2 ≲ 0.01LEdd

RIAFs around Black Holes
21

EHT M87

• Low-luminosity AGN

Accretion flows in XRB 19

Fig. 9 The left hand panel shows a selection of states taken from the 2005 outburst
of GRO J1655–40. The right hand panel shows the proposed accretion flow changes
to explain these different spectra, with differing contributions from the disc, hot
inner flow and its associated jet, active regions above the disc and a wind.

the hard state is seen at lower luminosities. Comprehensive reviews of the
observational properties of these spectral states are given by e.g. Tanaka &
Lewin (1995) and Remillard & McClintock (2006).

Thus while we have two theoretical stable accretion flow models, a disc
and an optically thin, hot (messy) flow, there are (at least) three different
types of spectra to explain. As outlined in Section 3.4, the hot flows plus
a truncated disc can generically match the hard state properties (see also
Section 4.1), while the spectra seen at high L/LEdd show clear signs of be-
ing dominated by the disc. At these high luminosities the disc is likely to
extend down to the last stable orbit (see Section 5), but even the soft-state
spectra are always accompanied by a high-energy tail. This shows that there
must be some sort of optically thin dissipation which can co-exist with the
majority of the accretion flow being in the form of a disc. This could be due
to some small fraction of the flow in a state analogous to the hot, optically
thin (messy) flow seen in the hard state, but with properties modified by the
strong Compton cooling (Esin 1997; Janiuk, Życki & Czerny 2000) and ther-
mal conduction (Różańska & Czerny 2000; Liu, Meyer & Meyer-Hofmeister
2005). There are also alternatives to these smooth flows in models where the
energy dissipation is instead inherently very inhomogeneous, perhaps due to
magnetic reconnection of flux tubes rising to the surface of the disc, as was
first suggested by Galeev, Rosner & Vaiana (1979), and finds some support
in the inherently variable (in both space and time) dissipation produced by
the MRI (e.g. Hawley & Balbus 2002).

One way to put all these mechanisms together into a plausible model for
all the spectral states is sketched in Fig. 9b, similar to that first proposed
by Esin et al. (1997). In the sections below we will outline how this model
works to explain the observed spectra of each state. We discuss alternatives
to the truncated disc in Section 4.2.

Soft

Hard

• X-ray binaries
Done et al. 2007
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Figure 9. ��1 = b2/(2p) at four typical times t = [2941, 2971, 2988, 3009]rg/c (from left to right) during the quasi-state-state
phase of accretion in the MAD configuration. Magnetic field lines are plotted on top as solid black lines. In the top half one
can detect the accretion of a magnetic flux tube (left panel) at x ⇡ 3rg, y ⇡ 1rg that opens up and becomes tearing unstable
(second panel) after it connects to the black hole, and produces copious plasmoids coalescing into large-scale structures (third
and fourth panel) at x ⇡ 5rg, y ⇡ 2.5rg with a typical size of about one Schwarzschild radius.

In Figure 10 we show the magnetization, current den-
sity, Ohmic heating, and temperature for the MAD
state, where we again mask the regions with � � 5. Due
to the higher magnetization (see the top-left panel) sur-
rounding the equatorial current sheets (see the top-right
panel) in the MAD state, the plasmoids are heated to
relativistic temperatures T ⇠ 10 (bottom-right panel),
an order of magnitude higher than in the SANE case.
The current density in the sheets is significantly higher
than in the SANE case. The plasmoids are heated
through Ohmic heating close to the event horizon, as
can be seen from the bottom-left panel.

3.5. Reconnection rate

We calculate the reconnection rate in a similar way as
for the Orszag-Tang vortex for both MAD and SANE
configurations. We first transform the Eulerian electric
and magnetic fields into a locally flat frame (see e.g.,
White et al. 2016) to apply the standard reconnection
analysis. We project the fields in the flat frame along
the direction parallel to the current layer to determine
the upstream geometry, and a typical Harris-type sheet
structure is found in Figure 11 both for the magnetic
field and the current density magnitude J . All three
magnetic field components switch sign in the current
sheets, indicating that zero-guide-field reconnection oc-
curs in both MAD and SANE cases. In the locally flat
frame we determine the inflow speed from the E ⇥ B-

velocity that we project along the direction perpendic-
ular to the current sheet, and then calculate the re-
connection rate as vrec/c = (vup,left � vup,right)/2c. In
both MAD and SANE configurations we select ten cur-
rent sheets at di↵erent times during the quasi-steady-
state phase of accretion and consistently find a recon-
nection rate between 0.01c and 0.03c. This finding is
in accordance with analytic resistive MHD predictions
for plasmoid-dominated reconnection in isolated current
sheets (Bhattacharjee et al. 2009; Uzdensky et al. 2010).

4. DISCUSSION AND CONCLUSIONS

We have shown that plasmoids form ubiquitously due
to magnetic reconnection in black-hole accretion flows,
regardless of the initial size of the disk and the magneti-
zation during the quasi-steady-state phase of accretion.
Energetic plasmoids that form on the smallest resistive
scales and escape the gravitational pull of the black hole
can grow into macroscopic hot spots through coalescence
with other plasmoids. In both MAD and SANE cases
these hot structures are ejected either along the jet’s
sheath or into the disk, heating the sheath and regions
of the disk within a few Schwarzschild radii of the event
horizon. In the MAD case the magnetization is signif-
icantly higher close to the event horizon, powering hot
spots with relativistic temperatures T = p/⇢ ⇠ 10, an
order of magnitude higher than in the SANE case T ⇠ 1.
The preferential heating of the jet’s sheath by continu-

Hot spot formation in black hole accretion disks 7

Figure 6. ��1 = b2/(2p) at four typical times t = [1460, 1480, 1540, 1580]rg/c (from left to right) during quasi-state-state phase
of accretion in the SANE configuration. Magnetic field lines plotted are on top as solid black lines. In the bottom half one can
detect the accretion of a magnetic flux tube at rKS cos ✓ = x ⇡ 6rg, rKS sin ✓ = y ⇡ �8rg (left two panels) that inflates, opens
up and becomes tearing unstable (third panel) after it connects to the black hole, and produces copious plasmoids coalescing
into large-scale structures at x ⇡ 5rg, y ⇡= �10rg (fourth panel) with a typical size of about one Schwarzschild radius. In
the top half of the panels a similar process can be seen at x ⇡ 7rg, y ⇡ 13rg in the second and third panel, also resulting in a
large-scale plasmoid at x ⇡ 9rg, y ⇡ 18rg in the fourth panel.

our simulations. We confirm convergence of the thin-
ning process of the current sheets by restarting from
the quasi-steady-state increasing the resolution up to
12288⇥ 6144, and measure the cells per thickness of the
sheets. In all considered cases the sheets are captured
by 8 or more cells over their widths, which is discussed
in section 3.3.

3.3. Plasmoid formation in the SANE model

Thin current sheets are expected to form above the
disk or in the jet’s sheath where magnetic flux tubes
are twisted by global shearing motion. These structures
can inflate while they accrete onto the black hole and
form thin current sheets after which their magnetic en-
ergy is dissipated close to the event horizon through re-
connection. The magnetic energy is released into heat
and bulk motion of the plasmoids that can either fall
into the black hole or get ejected. This process has
been studied in the force-free paradigm, assuming the
plasma to be infinitely magnetized (Parfrey et al. 2014;
Yuan et al. 2019a,b; Mahlmann et al. 2020). Addition-
ally, when the net magnetic flux in the accretion disk is
relatively small, turbulence resulting from the MRI can
produce magnetic fields with alternating polarities prone
to reconnection (Davis et al. 2010; Zhu & Stone 2018).
MHD turbulence is known to intermittently form large
plasmoid-unstable current sheets (Zhdankin et al. 2013,

2017; Dong et al. 2018) and the plasmoid instability can
significantly modify the turbulent MHD cascade at rela-
tively small scales and high Lundquist numbers S ⇠ 106

(Boldyrev & Loureiro 2017; Loureiro & Boldyrev 2017;
Mallet et al. 2017; Comisso et al. 2018).
In Figure 6 we observe both processes in a SANE

configuration and detect current sheets in the disk and
along the jet’s sheath, indicated by a small ��1 and
anti-parallel field lines. In the left-most two panels at
t = 1460rg/c and t = 1480rg/c a large flux tube falls
onto the black hole in the left bottom half at approx-
imately x = rKS cos ✓ ⇡ 8rg, y = rKS sin ✓ ⇡ �8rg.
In the third panel, at t = 1540rg/c, the flux tube has
both its footpoints attached to the black hole, it opened
up after it inflated and became thin enough to be tear-
ing unstable and form multiple plasmoids (Parfrey et al.
2014 observes a similar process). In the fourth panel, at
t = 1580rg/c, the plasmoids that are advected away
from the black hole along the jet’s sheath have formed
a large structure at x ⇡ 6rg, y ⇡ �10rg through coales-
cence. At x ⇡ 9rg, y ⇡ 17rg a similar process occurs in
the third panel and a large plasmoid has formed through
mergers of multiple smaller plasmoids that can be seen
in the left panels. In the first and second panel one can
detect a flux tube with one footpoint connected to the
black hole, that is then twisted by the shear flow, be-
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• Standard and Normal Evolution 
(SANE)

• Magnetically Arrested Disk  
(MAD)

Narayan et al. 2012

• Strong and ordered magnetic fields
• Powerful jet can be launched  
→ related to radio-loud States

• Turbulence driven by MRI
• Weaker jets are launched  
→ related to radio-faint states

Ripperda et al. 2020

M77 (NGC 1068)

M87 (NGC 4486)

SANE & MAD
Ripperda et al. 2020



• Low accretion rate 
→ Radiatively inefficient accretion flow (RIAF) 

• Comparison of infall and cooling timescales 
→ truncation radius Rtrn 104 Rg 

• Disk winds from RIAF 

→ Large scale B-field  with  

• Rapid advection in RIAF 
→ carry global B-field to inner region 

• Flux freezing + ADIOS:   

→ @  

→ Formation of Magnetically Arrested Disk 
                                                                   (MAD)

∼

βp ∼ 103 − 104

βp ∝ R−1.5 − R−2

β < 1 R ≲ 10Rg

MAD formation in low-accreting objects
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(HESS Collaboration et al. 2016; Fujita et al. 2017),
millisecond pulsars (Guépin et al. 2018), isolated BHs (Ioka
et al. 2017), jets in X-ray binaries (Cooper et al. 2020), pulsar-
wind nebulae (Ohira et al. 2018), stellar winds from young star
clusters (Aharonian et al. 2019), and superbubbles (Bykov
2014). Very recently, the Tibet ASγ Collaboration reported the
discovery of diffuse sub-PeV gamma-rays from the Galactic
plane, proving that PeVatrons exist in our Galaxy (Amenomori
et al. 2021). Subsequent multimessenger discussions suggest
that PeVatrons can be a population distinct from GeV–TeV CR
sources (Liu & Wang 2021; Fang & Murase 2021), which
strengthens the need for other PeVatron candidates. In this
paper, we newly add MADs in QBXBs (QBXB-MADs) into
the list.

This paper is organized as follows. In Section 2, we discuss
conditions for the MAD formation in stellar-mass BH binaries
and demonstrate that they are fulfilled in the quiescent state. In
Section 3, we study the emission from thermal and nonthermal
electrons in the QBXB-MADs. We focus on a few selected
QBXBs that have well-measured multiwavelength spectra. We
then show that our QBXB-MADmodel is in reasonable agreement
with the observed data, which supports our assertion that QBXBs
form MADs. In Section 4, we examine the production of CRs in
QBXB-MADs. We demonstrate that they can produce PeV-scale
protons, potentially dominating the observed CR spectrum around
the knee. In Section 5, we discuss implications and outline
strategies to test our key assumptions. In Section 6, we present our
conclusions. We use the convention of Qx=Q/10x in cgs units
unless otherwise noted.

2. Realization of QBXB-MADs

Figure 1 shows the schematic picture of our scenario. In
QBXBs, the mass accretion rate is so low that the accretion flows
cannot cool through radiative processes. The optically thick
accretion disk should then be truncated at an outer radius, and a
radiatively inefficient accretion flow (RIAF; Narayan & Yi 1994;
Yuan & Narayan 2014) is formed inside the truncation radius

(Esin et al. 1997). The accretion flow is turbulent due to
magnetorotational instability (MRI; Balbus & Hawley 1991), and
the turbulent viscosity and magnetic torque enable a steady
accretion. Thermal, magnetic, and turbulence pressures drive
outflows as seen in magnetohydrodynamic (MHD) simulations
(Ohsuga & Mineshige 2011; Saḑowski et al. 2013; Yuan et al.
2015; Event Horizon Telescope Collaboration et al. 2019). These
outflows convert the toroidal magnetic fields generated by the
shear motion to the poloidal fields (Liska et al. 2020). The rapid
infall motion of the RIAFs can carry these poloidal fields to
the inner region. Then, the magnetic flux is accumulated at
the vicinity of the BH, leading to the formation of a MAD
(Cao 2011). In this section, we discuss the feasibility of our
QBXB-MAD scenario based on the current understanding of the
plasma and accretion physics. We define an MAD as an accretion
flow with β 1, where β is the plasma beta. Here, we ignore the
magnetic flux carried from the companion star. If we take it into
account, MADs are more likely to be formed. In this sense, our
estimates in this section are conservative.
In RIAFs, the matter cannot cool within the infall timescale,

which results in a proton temperature comparable to the virial
temperature. RIAFs are geometrically thick because of the
strong thermal pressure. The thick geometry allow a large
turbulent eddy, which leads to a large turbulent viscosity. Then,
the angular momentum transport is efficient, resulting in a
radial motion faster than the standard thin disk. Since RIAFs
produce outflows, the mass accretion rate can depend on the
distance from the BH, R, and written as ( ) ( )� �=M R R R Ms

otrn w ,
where Rtrn is the truncation radius, �Mo is the mass accretion rate
at R= Rtrn, and sw is a parameter that describes the outflow
efficiency (Blandford & Begelman 1999). The radial velocity,
sound velocity, and density in RIAFs can be analytically
estimated to be (see Kimura et al. 2019a, 2020, for parameter
sets for active galactic nuclei)
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where M is the BH mass, M1=M/(10Me), =V GM RK is
the Keplerian velocity, α is the viscous parameter (Shakura &
Sunyaev 1973), H≈ (Cs/VK)R≈ R/2 is the scale height,

( ) ( )� �=m R M R c L2
Edd, =* R RG, LEdd is the Eddington

luminosity, mp is the proton mass, and RG=GM/c2 is the
gravitational radius. The prefactors in VR and Cs are determined
so that the quantities are consistent with recent MHD
simulations (Ohsuga & Mineshige 2011; Kimura et al. 2019b).
Electrons and protons in RIAFs are thermally decoupled

because of a long relaxation timescale. Electrons in collisionless
plasma can receive a significant fraction of the dissipation energy
by magnetic reconnections and turbulence cascades (Rowan et al.
2017; Kawazura et al. 2019), and they do not efficiently cool if
they are nonrelativistic. Thus, electrons are expected to be close
to the virial temperatures for R (mp/me)RG, where me is the
electron mass. On the other hand, electrons become relativistic for
the inner region and efficiently cool via synchrotron and

Figure 1. Schematic picture of our QBXB-MAD scenario. In the quiescent
state, the standard optically thick disk is truncated at the outer part of the
accretion flow. Inside the truncation radius, the accretion flow is in a radiatively
inefficient state where outflows are produced. These outflows stretch the
magnetic field generated by MRI and shear motion, making large-scale
poloidal fields. The poloidal fields are advected toward the vicinity of the BH,
which results in the formation of a MAD. Magnetic reconnections directly heat
up thermal electrons and accelerate CR electrons, leading to efficient
synchrotron emission that can account for optical and X-ray data. CR protons
are also accelerated, and they diffusively escape from the system without losing
their energies, possibly providing a dominant contribution to the observed
intensity of PeV CRs.
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Figure 1. Plasmoid-mediated reconnection, which takes place at su�ciently high resolutions in MHD, is seen in a 3D GRMHD
simulation for the first time. Resolving the dynamics of X-points and plasmoids in the current sheet can be the key to
understanding the source of black hole non-thermal emission, e.g., high-energy flares. Dimensionless temperature T = p/⇢,
plasma-�, and density ⇢ (from left to right) in the meridional plane before (top row), during (middle row) in the inner 10rg
and after (bottom row) the large magnetic flux eruption in the inner 40rg. During the magnetic flux eruption, the accretion
disk is ejected and the broad accretion inflow is reduced to a thin plasmoid-unstable current sheet, indicated by X-points and
magnetic nulls shown by the antiparallel in-plane field lines (in green, see inset in panel D) and the high � (inset panel E).
The hot (T ⇠ �max) exhaust of the reconnection layer heats the jet sheath. Reconnection transforms the horizontal field in the
current sheet to vertical field that is ejected in the form of hot coherent flux tubes (panel G) at low � and density (panels H,I).

vertical (z) magnetic field, reminiscent of the 2D results
of Ripperda et al. (2020). The flux eruption originates
from the inner magnetosphere where the highly magne-
tized plasma in the jet directly feeds the current sheet.
The plasma density in the jet is determined by the den-
sity floor at �max = 25 in our simulations, whereas in
reality it is much more strongly magnetized (� � �max)
pair plasma. Reconnection occurs locally in X-points

where a field line breaks and reconnects to other field
line (see insets in Figures 1D and 1E). In these X-points,
reconnection heats the plasma up to T ⇠ �max = 25
(left panels) after which it is expelled from the layer at
Lorentz factors up to � /

p
�max = 5 (Lyubarsky 2005,

see also Supplemental Material for an exploration of dif-
ferent �max in 2D). The flux is expelled through recon-
nection into the low-density region in between the large

• GRMHD simulations revealed that  
MADs release its magnetic energy  
by magnetic reconnection  

• Accretion process naturally induces  
magnetic reconnection at the mid plane  

• Reconnection induces turbulence 
• MHD instabilities also drive turbulence
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The gamma-ray luminosity at the VHE range is analytically
estimated to be
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where d is the distance to the protostar and we use the distance
to the nearby star-forming regions, such as the Taurus
molecular cloud and ρ Ophiuchi molecular complex. This
value is an order of magnitude lower than the sensitivity of the
Cherenkov Telescope Array (CTA; ∼10−13 erg s cm−2 for a 50
hr integration: CTA website). Thus, with these parameters, we
cannot expect the VHE gamma-ray detection. We numerically
calculate the gamma-ray spectra from the protostellar flare with
the method given in Kelner et al. (2006) with pp cross section
given in Kafexhiu et al. (2014), and we confirm this conclusion
as shown in Figure 4. The result for our reference model
(model A) is indicated by the thick red solid line, which is
much lower than the sensitivity curves of CTA (thin magenta
curves).
However, the gamma-ray luminosity strongly depends on the

values of Brec and lloop, which are largely unknown. Figure 4
also exhibits the GeV–TeV gamma-ray spectra from proto-
stellar flares for other parameter sets tabulated in Table 1. For a
moderate case (model B; high Brec and lloop), the VHE flux
reaches the sensitivity of CTA. Since the duration of the
gamma-ray emission is estimated to be » ~gt t 10 srec

3 as
tabulated in Table 1, we can expect detection of VHE gamma
rays if we stack ∼180 protostellar flares. Since the field of view
(FOV) of CTA is ∼3°× 3°, they can monitor ∼100–300 YSOs

Figure 3. Schematic picture of our scenario of gamma-ray flares from protostars. Top left panel: mass accretion from a protoplanetary disk accumulates magnetic
fields around a protostar. The surface layers of the disk accrete faster than the midplane. This flow structure stretches the magnetic fields. Top right panel: when
magnetic field strength becomes comparable to the thermal energy of the disk gas, magnetic fields and the coronal plasma start to expand toward the disk midplane,
which clears out the disk. This eventually triggers magnetic reconnection. Bottom left panel: the magnetic reconnection produces bipolar outflows. One moves to the
protostar, and it cools down by thermal conduction before colliding with the flare loop. The other outflow moves to the protoplanetary disk, and it evolves
adiabatically. Bottom right panel: thermal conduction to the protostellar surface leads to evaporation of the protostellar atmosphere, and the evaporation plasma emits
X-rays via thermal bremsstrahlung. In addition, the collision between the outflow and the flare loop forms a shock in the outflow, where nonthermal particles are
accelerated via the diffusive shock acceleration process. The accelerated protons emit gamma rays and neutrinos via hadronuclear interactions with evaporation
plasma, and nonthermal electrons emit millimeter/submillimeter photons by synchrotron radiation.

7 fvhe is computed as follows. We use Equation (18) to obtain the
normalization of the CR proton spectrum. The CR proton spectrum has a
peak at Ep ≈ mpc

2 for s > 2. VHE gamma rays are produced by CR protons of
Ep  1 TeV, but the number density of protons at this energy is lower than that
at Ep ∼ mpc

2. We take into account such a reduction of the number of CR
protons when computing fvhe.
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as can be seen from the relations (8) and (9), and the definitions
of σ0 and s dz e0 already take into account relativistic thermal
effects.

Up to this point, we have discussed general features of the
particle spectrum generated as a by-product of the plasma
turbulence. We have found that despite some differences
between 2D and 3D settings, the produced particle spectrum
does not depend on the dimensionality of the simulation
domain (see also Comisso & Sironi 2018). In both cases, the
high-energy power-law range extends from (about) the thermal
peak to a maximum energy set by the energy-containing scale
of turbulence. These common features, combined with the fact
that the slope of the power law is also similar, yield a similar
percentage of particles in the power-law tail. In the next
sections, we will shed light on the particle acceleration
mechanisms that produce the nonthermal particle spectrum.

4. Particle Injection and Fast Reconnection

In this section, we investigate the physics behind the initial
rapid acceleration of particles from low energies (g g~mc mcth

2 2)
to energies well above the thermal peak (γmc2?γthmc

2),
which is usually referred to as the injection mechanism. The
investigation of the injection mechanism will not be limited to this
section, but it will be pursued also in parts of Sections 5 and 6.
Here, specifically, as a continuation of our earlier analysis
(Comisso & Sironi 2018), we want to examine the spatial
locations where the injection process occurs and understand what
is special about these locations. To this aim, we have tracked
the time evolution of a large subsample of particles that were
randomly selected from our reference PIC simulations. Following
in time their trajectory and energy evolution, we can analyze,
for the fraction of particles that experience an injection process,
the physical conditions at the moment of their rapid initial
acceleration phase. Then, we calculate the conditions for having
efficient particle injection by reconnection, which are linked to
the onset of fast magnetic reconnection mediated by the plasmoid
instability. Indeed, despite their small filling fraction, we show
that reconnecting current sheets can inject a large fraction of
particles in a few outer-scale eddy turnover times.

4.1. Particle Injection at Reconnecting Current Sheets

We begin our analysis from the reference 2D case, and then
we extend the analysis to the reference 3D case. For the
injection analysis presented in this section, we employed a
subsample of ∼106 tracked particles for the 2D case and a
subsample of ∼107 tracked particles for the 3D case.
We show in Figure 9(a) the time evolution of the Lorentz

factor for 10 representative particles that eventually populate
the nonthermal tail at ct/l=12 (see particle spectrum in
Figure 5). These particles have a distinct moment in which they
are “extracted” from the thermal pool at γ∼γth and injected to
higher Lorentz factors γ ? γth. To identify this moment, which
we call injection time tinj, we evaluate when the rate of increase
of the particle Lorentz factor (averaged over cΔt/de0=45)
satisfies ˙g gD D t thr, and prior to this time the particle
Lorentz factor was γ�4γth0∼6. We take the threshold
˙ g s g w0.01 th pthr 0 0 0, but we have verified that our identifica-
tion of tinj is nearly the same when varying ġthr around this
value by up to a factor of three (the factor 0.01 is much lower
than the typical collisionless reconnection rate [∼0.1, in units
of the Alfvén speed], which is the appropriate reference scaling
here, as shown in Comisso & Sironi 2018 and below).

Figure 8. Particle spectra ( )g -dN d ln 1 at ct/l=12 for simulations with
fixed σ0=10, δBrms0/B0=1, and L/de0=1640 (with l=L/8), but different
normalized initial temperature { }q = Îk T mc 0.1, 0.3, 1, 3, 10B0 0

2 . The x-
axis has been normalized to the initial thermal Lorentz factor γth0 to facilitate
comparison among the different cases.

Figure 9. Relation between particle injection and electric current density from
the 2D simulation with σ0=10, δBrms0/B0=1, and L/de0=1640. Top
panel: time evolution of the Lorentz factor for 10 representative particles
selected to end up in different energy bins at ct/l=12 (matching the different
colors in the color bar on the right). Bottom panel: pdf’s of ∣ ∣J Jz p z, ,rms
experienced by high-energy particles at their injection time tinj (red circles) and
by all our tracked particles at ct/l=3.5 (blue diamonds). About 95% of the
high-energy particles are injected at locations with ∣ ∣ J J2z p z, ,rms.
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direction, likely due to the relativistic drift-kink instability
(Zenitani & Hoshino 2007, 2008), plays a fundamental role for
the physics of high-energy particle acceleration.5

The 3D instabilities can also change the reconnection rate, as
compared to 2D. Figure 2 illustrates the temporal evolution of the
reconnection rate ηrec≡ vin/vA for both 2D (blue) and 3D (red)
simulations, where vin is the inflow speed and vA; c for
magnetically dominated plasmas. The initial growth of the box-
averaged reconnection rate before ct/L∼ 0.8 is just due to the
increase of the region where reconnection is active (i.e., between
the two reconnection fronts). When the two reconnection fronts
exit the computational domain, the rate becomes quasi-steady.
The reconnection rate in 3D, ηrec∼ 0.075, is slower than in 2D,

ηrec∼ 0.12. In either case, the rate is in reasonable agreement with
analytical expectations (Lyubarsky 2005).
The inflowing particles from the two sides of the layer mix in

the reconnection region, which we shall also call “reconnected
plasma” or “downstream” region. In contrast, the pre-
reconnection flow shall be called “upstream.” To identify the
region of reconnected plasma, we define a “mixing factor 
(e.g., Rowan et al. 2017; Ball et al. 2018; Sironi &
Beloborodov 2020):

( )º - -
n

n
1 2

1
2

, 1top

where ntop is the density of particles that started from y> 0,
while n is the total density. It follows that = 1 represents
the downstream plasma, where particles from the two sides of
the layer are well mixed, whereas = 0 characterizes the
upstream, where no mixing has occurred. We will use the
mixing factor to identify whether a particle is located in the
upstream or downstream region.
Using  as a criterion for separating upstream and down-

stream regions, we study where particles of different energies are
located. Figure 3 shows histograms of the particle Lorentz factor γ
(horizontal axis) and mixing factor  (vertical axis) at time
t= 2.37L/c, for 3D (left) and 2D (right) simulations. Both
histograms suggest that most of the low-energy particles (γ 30)
are located in the downstream region (i.e., near unity). In 2D,
all of the high-energy particles are also located in well-mixed
regions, i.e., in the downstream. In agreement with earlier studies,
high-energy particles in 2D are trapped within plasmoids (Sironi
et al. 2016; Petropoulou & Sironi 2018; Hakobyan et al. 2021). In
contrast, a significant fraction of high-energy particles (γ 30) in
the 3D simulation lie in low-mixing regions, i.e., in the upstream.
As we show below, these are particles that have escaped from
reconnection plasmoids and are now being rapidly accelerated by
the large-scale upstream fields. In the following, we will take a
threshold of = 0.30 (horizontal red dotted line in the left
panel) to separate the downstream region ( > 0) from the
upstream region ( < 0). We expect that our results will not
change significantly as long as0 is near 0.3 (e.g., between 0.25
and 0.35).
In the rest of this section, we first study the particle energy

and momentum spectra in the 3D simulation and identify that

Figure 1. Two snapshots of density from our reference 3D simulation. We show
the density structure at a relatively early time (top, t = 0.47 L/c), when
reconnection fronts are moving outward, and at a later time (bottom,
t = 2.13 L/c), when the system has achieved a steady state. The upstream plasma
flows into the layer along y, while reconnection outflows move along x. The
electric current is along the z-direction, which is invariant in 2D simulations.

Figure 2. A comparison of the reconnection rate between 3D (red) and 2D
(blue) simulations. The reconnection rate is calculated by averaging the plasma
inflow velocity (in units of the speed of light) in the region 0.03L < y < 0.08L.

5 We defer to future work a full characterization of the stochastic nature of the
layer and the properties of the density and magnetic structures generated by 3D
reconnection (Lazarian & Vishniac 1999; Kowal et al. 2009; Takamoto et al.
2015; Werner & Uzdensky 2021), as investigated in 2D by, e.g., Sironi et al.
(2016).
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• Reconnection & Turbulence in magnetized plasma lead to power-law distribution

25Particle Acceleration by Reconnection & Turbulence

high-energy particles preferentially move along the z-direction
(Section 3.1). Then, we track particles and investigate in detail
their acceleration mechanism (Section 3.2). Finally, we
investigate the dependence of our results on the domain size,
in order to show that the acceleration physics should operate
effectively out to larger scales (Section 3.3).

3.1. Particle Spectra

A nonthermal power-law spectrum extending to high
energies is a well-established outcome of relativistic reconnec-
tion (e.g., Sironi & Spitkovsky 2014). Figure 4 shows the
positron momentum spectrum p dN dpz z, where pz= γβz is the
dimensionless 4-velocity along z (βz is the particle z velocity in
units of the speed of light). The spectrum is obtained by
averaging between t= 3.34L/c and 3.56L/c, when the system
is in steady state. The box-integrated spectrum of positrons
with pz> 0 (blue, indicated as pz+,box in the legend) can be
modeled for pz 3 as a power law µ -p dN dp pz z z

1.
The figure compares the momentum spectrum between

positrons with pz> 0 (blue lines, indicated as pz+ in the legend)
and pz< 0 (green lines, indicated as pz− in the legend) and further
distinguishes between spectra integrated in the whole box (solid
lines) and only extracted from the reconnection downstream
( > 0; dashed lines). We find that high-energy positrons
with pz< 0 are mostly located within the downstream region
(compare green solid and dashed lines), i.e., nonthermal positrons
with pz< 0 are trapped in plasmoids, analogous to 2D results (see
Petropoulou & Sironi 2018; Hakobyan et al. 2021).

In contrast, a significant fraction of high-energy positrons with
pz> 0 reside outside the reconnection region (compare blue solid
and dashed lines), and we shall call them “free.” The fraction of free
positrons is an increasing function of momentum, and for pz 100
they are more numerous than the ones located in the reconnection
downstream. The pz+ spectrum of free positrons (dotted blue line)
can be modeled as a hard power law, µ -dN dp pz zfree

1.5. In
Appendix B, we provide an analytical justification of the measured
spectral slope. The cutoff in the spectrum of pz> 0 positrons is
much higher than for pz< 0 positrons, suggesting that free
positrons can be accelerated to much larger energies than trapped
ones, as we indeed demonstrate below.6

The asymmetry between positrons with pz> 0 versus pz< 0 is a
unique feature of our 3D setup. In a corresponding 2D simulation
(see Appendix A), pz+ and pz− spectra are nearly identical, and

nearly all high-energy particles reside within the reconnection
downstream, as already shown by Figure 3 (right panel).
In the inset of Figure 4, we present the box-integrated

positron spectra of kinetic energy (gray) and momentum in
different directions, as indicated in the legend. In contrast to the
pz spectrum, there is no broken symmetry between positive and
negative directions in the px and py spectra. The inset shows
that the peak of the energy spectrum (gray), at γ− 1∼ 3, is
dominated by motions along the x-direction of the reconnection
outflows (compare with the px spectrum; red line). In contrast,
the high-energy cutoff of the positron energy spectrum at
γ∼ 500 is dominated by the pz+ spectrum (blue). Hence, the
most energetic positrons move mostly along the+ z-direction
(conversely, the highest-energy electrons along− z). We also
remark that the py spectrum (orange) reaches rather high
momenta (albeit not as high as the pz+ spectrum). This is
consistent with the trajectories of high-energy positrons that we
illustrate in Section 3.2.

Figure 3. 2D histograms of the particle Lorentz factor γ and the mixing factor (interpolated to the nearest cell) at time t = 2.37L/c, for 3D (left) and 2D (right). The
red dashed line in the left panel marks the threshold = 0.30 that we employ to distinguish upstream ( < 0) from downstream ( > 0).

Figure 4. Momentum spectrum p dN dpz z of positrons, where pz = γβz is the
dimensionless 4-velocity along the z-direction. We show spectra of positrons
with pz > 0 (blue, indicated as pz+ in the legend) and pz < 0 (green, indicated
as pz− in the legend). Spectra from the overall box are shown as solid lines
(indicated with subscript “box” in the legend), whereas the dashed lines refer
only to positrons belonging to the downstream region, as defined by the mixing
condition > 0 (indicated with subscript “rr” in the legend). The spectrum
of high-energy “free” positrons residing in the upstream region (with

< 0), which preferentially have pz > 0, is indicated by the dotted blue
line. The dotted black line shows a power law -pz

1. In the inset, we present the
box-integrated positron spectra of kinetic energy (gray) and momenta in
different directions, as indicated in the legend. All spectra in the main plot and
in the inset are time averaged between t = 3.34L/c and 3.56L/c and
normalized to the total number of positrons in the box.

6 The electron spectrum shows the opposite asymmetry: electrons with pz > 0
mostly reside in plasmoids, and their spectrum extends to lower momenta than
for free electrons with pz < 0.
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Note also that in the 3D case the magnetic energy decays faster
than in the 2D case (compare insets of Figures 3 and 4). We will
show that this leads to a reduced particle acceleration rate at late
times.

3.2. Particle Spectrum

The most interesting outcome of the turbulent cascade is the
generation of a large population of nonthermal particles. This is
shown in Figure 5 (for the 2D setup), where the time evolution
of the particle energy spectrum ( )g -dN d ln 1 is presented
(g - = E mc1 k

2 is the normalized particle kinetic energy).
As a result of turbulent field dissipation, the spectrum shifts to
energies much larger than the initial Maxwellian, which is

shown by the blue line peaking at g g- ~ -1 1 0.6th0 . At
late times, when most of the turbulent energy has decayed, the
spectrum stops evolving (orange and red lines): it peaks at
γ−1∼5 and extends well beyond the peak into a nonthermal
tail of ultrarelativistic particles that can be described by a power
law
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d

N
1
1

, for , 7
st
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st c0

and a sharp cutoff for γ�γc. Here N0 is the normalization of
the power law and p is the power-law index, which is about 2.8
for the simulation results presented in the main panel of
Figure 5 (note that in our figures we plot dN/dln(γ−1) to

Figure 2. 3D plots of different fluid structures in fully developed 3D turbulence (at ct/l=2.7) with σ0=10, δBrms0/B0=1, and L/de0=820 (with l=L/4). The
displayed quantities are (from left to right, top to bottom) the fluctuation magnetic energy density in units of B0

2/8π, the current density Jz along the mean magnetic
field in units of en0c, the bulk dimensionless four-velocity Γβ, and the particle density ratio n/n0. Note that the color bars for Γβ and n/n0 are in logarithmic scale. An
animation showing the current density Jz in different x-y slices can be found at https://doi.org/10.7916/d8-prt9-kn88.
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• PIC with turbulence
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Quiescent State in X-ray Binary
28

our observations are anomalous, perhaps representing an
uncommon or transient situation, or whether such a slope is
typically seen in quiescent X-ray binaries.

4.2. X-Ray/Radio Anticorrelation

We have shown that A0620-00 exhibited a significant
change in its X-ray flux over 13 years. The change in the X-ray
flux between the two archival Chandra observations was
reported previously (Gallo et al. 2006; Plotkin et al. 2013) and
the flux from a combined Swift observation in 2010 was
consistent with the 2005 level (Froning et al. 2011). Our results
reinforce the fact that A0620-00 is variable in X-rays at the
deepest quiescent levels probed to date at L L10X

8
Edd~ - .

Furthermore, we have also shown marginal evidence that the
radio flux density of the source has changed with respect
to 2005.

A0620-00 is now the only accreting black hole from which
radio and X-ray variability has been observed at
L L10X

8
Edd~ - . The closest source in luminosity that has

shown variability in both regimes is V404 Cyg at
L L10X

6
Edd~ - (Bernardini & Cackett 2014; Plotkin et al.

2017). The results from V404 Cyg and A0620-00 suggest that
the X-ray (and perhaps the radio) variability is a common
property of black hole X-ray transients in quiescence down to
at least L L10X

8
Edd~ - , and hence provides motivation for

future variability studies at the deepest quiescent levels.
The origin of the X-ray variability can be interpreted quite

differently depending on the timescale of the variability. Given
that there are only three observations, it may well be that we are
seeing the results of stochastic variations in the X-ray flux.
While there is no evidence of short-term variability within our
data (see Section 3.3), V404 Cyg in quiescence does show
flares on day to week timescales during which the X-ray flux
of the source increases by a factor of 3 (Bernardini &
Cackett 2014). This suggests that the increase in the X-ray flux
might be due to random snapshots of these short-term flares
and might thus be independent of changes in the outer parts of
the accretion disk. Alternatively, one might speculate that the
X-ray flux is a long-term trend, which might result from a
gradual buildup of the accretion disk for the next outburst
cycle. This would not be unexpected. Brightening in the long-
term O/NIR light curves of accreting black hole transients in
quiescence has been observed in several sources (Cantrell
et al. 2008; Koljonen et al. 2016; Wu et al. 2016). The changes

in the outer disk and inner flow (as observed from O/NIR and
X-rays, respectively) may both be the consequence of the
buildup of the disk, which is expected by the instability model
that explains the outburst cycles (Dubus et al. 2001). More
repeated observations during quiescence will be useful to
understand the origin of the variability.
Regardless of a possible connection between the inner

accretion flow and the outer accretion disk as suggested by the
O/NIR and X-rays, the change in X-rays presumably reflects a
change in the emission properties of the material flowing close
to the black hole (e.g., Sobolewska et al. 2011). There is a
general consensus that the X-rays are emitted by a population
of electrons in this flow; however, the origin and nature of these
electrons are still debated. They can be either thermal or non-
thermal, inflowing or outflowing (McClintock et al. 2003;
Veledina et al. 2013). However, we find that the power-law
shape and index of the X-ray flux does not change as the flux
increases. Therefore, it seems likely that the nature of the
electron population responsible for the X-ray flux has not
changed, although the size of the emitting region may have
increased.
The radio emission, which we interpret as the signature of

jets in quiescence, is likely to vary on hours timescales, within
our observing duration (see Section 3.3). On such timescales,
fast ejecta could collide with previous slower ejecta, resulting
in a shock, and hence cause variability. This shock phenom-
enon within a jet has previously been invoked to explain the
radio properties of jets in general (Jamil et al. 2010; Malzac
2013), and there are likely other ways to change the magnetic
field or electron density on short timescales. But it is difficult to
detect such variations in the radio flux of A0620-00, because
the radio flux is very low (see Section 3.3). Thus our radio
observations, and indeed any plausible future observations of
systems at the faint end of the radio/X-ray correlation, must be
interpreted as an average over what may be substantial
variability on timescales that are short compared to the
exposure time. Direct comparisons of jet activity as indicated
by the radio with the state of the accretion flow as indicated by
simultaneous X-ray observations should therefore be consid-
ered with caution.
Small changes in the X-ray/radio correlation have also been

observed in sources such as GX 339-4 (Corbel et al. 2013), and
it is interesting to speculate whether an anticorrelation such as
we observe might be directly associated with the increase in the

Figure 6. Broadband spectrum of A0620-00 constructed from VLA, SMARTS, and Chandra observations taken on 2013 December 9. SMARTS O/NIR data are de-
reddened and consist of total light (circles) and non-stellar light (diamonds). Solid lines show the best fitting power laws to radio and unabsorbed X-ray data.
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Fig. 12 Range of low/hard state geometries in the truncated disc model, together
with their predicted spectra. When the disc is truncated far from the black hole,
few disc photons are intercepted by the hot flow. Thus the Comptonized spectrum
is hard, while a large fraction of disc photons are seen directly. As the disc extends
further underneath the hot flow the larger fraction of disc photons intercepted
means the spectrum becomes softer as the electron temperature is cooler, while the
disc is hotter but less distinct.

(Zdziarski, Lubiński & Smith 1999; Zdziarski et al. 2003) especially given the
uncertainties in determining the amount of reflection. As well as being de-
pendent on details of how the continuum is modelled (Wilson & Done 2001;
Ibragimov et al. 2005) there are also theoretical uncertainties on the shape
of the reflected spectrum when the material is ionized. Low energy line emis-
sion contributes to the spectrum as well as simple electron scattering of the
incident continuum as the material is heated and ionized by the X-ray illumi-
nation (Ross & Fabian 1993; Życki & Czerny 1994). Compton upscattering
in the upper, X-ray heated layers of the disc can give additional broadening
to the spectral features (Ross, Fabian & Young 1999) and there should also
be a range of ionization states present, from both radial and vertical strati-
fication, and this can be highly complex if the disc is in hydrostatic balance
(Nayakshin, Kazanas & Kallman 2000).

By contrast, the properties of the thermal Comptonizing region are more
robust. Fig. 12 shows a series of models for the hard state which quantify the
effect of the geometry changes, where the disc extends progressively further
inwards as a function of Ṁ and the fraction of disc flux intercepted by the hot
flow also progressively increases (based on the eqpair code of Coppi 1999).
These models have the disc inner radius decreasing by a factor 2, while the
covering fraction of the hot flow increases from 0.2 to 0.6. The optical depth
in the hot flow is fixed at unity, and Lh/Ls decreases from 15 to 2.5. This
model incorporates Compton (and Coulomb) cooling self consistently, and
predicts electron temperatures dropping from 110 keV to 70 keV. This bears
a strong resemblance to the observed hard-state spectra shown in Fig 10.

Quiescent

Low/hard

Accretion flows in XRB 19

Fig. 9 The left hand panel shows a selection of states taken from the 2005 outburst
of GRO J1655–40. The right hand panel shows the proposed accretion flow changes
to explain these different spectra, with differing contributions from the disc, hot
inner flow and its associated jet, active regions above the disc and a wind.

the hard state is seen at lower luminosities. Comprehensive reviews of the
observational properties of these spectral states are given by e.g. Tanaka &
Lewin (1995) and Remillard & McClintock (2006).

Thus while we have two theoretical stable accretion flow models, a disc
and an optically thin, hot (messy) flow, there are (at least) three different
types of spectra to explain. As outlined in Section 3.4, the hot flows plus
a truncated disc can generically match the hard state properties (see also
Section 4.1), while the spectra seen at high L/LEdd show clear signs of be-
ing dominated by the disc. At these high luminosities the disc is likely to
extend down to the last stable orbit (see Section 5), but even the soft-state
spectra are always accompanied by a high-energy tail. This shows that there
must be some sort of optically thin dissipation which can co-exist with the
majority of the accretion flow being in the form of a disc. This could be due
to some small fraction of the flow in a state analogous to the hot, optically
thin (messy) flow seen in the hard state, but with properties modified by the
strong Compton cooling (Esin 1997; Janiuk, Życki & Czerny 2000) and ther-
mal conduction (Różańska & Czerny 2000; Liu, Meyer & Meyer-Hofmeister
2005). There are also alternatives to these smooth flows in models where the
energy dissipation is instead inherently very inhomogeneous, perhaps due to
magnetic reconnection of flux tubes rising to the surface of the disc, as was
first suggested by Galeev, Rosner & Vaiana (1979), and finds some support
in the inherently variable (in both space and time) dissipation produced by
the MRI (e.g. Hawley & Balbus 2002).

One way to put all these mechanisms together into a plausible model for
all the spectral states is sketched in Fig. 9b, similar to that first proposed
by Esin et al. (1997). In the sections below we will outline how this model
works to explain the observed spectra of each state. We discuss alternatives
to the truncated disc in Section 4.2.
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Fig. 12 Range of low/hard state geometries in the truncated disc model, together
with their predicted spectra. When the disc is truncated far from the black hole,
few disc photons are intercepted by the hot flow. Thus the Comptonized spectrum
is hard, while a large fraction of disc photons are seen directly. As the disc extends
further underneath the hot flow the larger fraction of disc photons intercepted
means the spectrum becomes softer as the electron temperature is cooler, while the
disc is hotter but less distinct.

(Zdziarski, Lubiński & Smith 1999; Zdziarski et al. 2003) especially given the
uncertainties in determining the amount of reflection. As well as being de-
pendent on details of how the continuum is modelled (Wilson & Done 2001;
Ibragimov et al. 2005) there are also theoretical uncertainties on the shape
of the reflected spectrum when the material is ionized. Low energy line emis-
sion contributes to the spectrum as well as simple electron scattering of the
incident continuum as the material is heated and ionized by the X-ray illumi-
nation (Ross & Fabian 1993; Życki & Czerny 1994). Compton upscattering
in the upper, X-ray heated layers of the disc can give additional broadening
to the spectral features (Ross, Fabian & Young 1999) and there should also
be a range of ionization states present, from both radial and vertical strati-
fication, and this can be highly complex if the disc is in hydrostatic balance
(Nayakshin, Kazanas & Kallman 2000).

By contrast, the properties of the thermal Comptonizing region are more
robust. Fig. 12 shows a series of models for the hard state which quantify the
effect of the geometry changes, where the disc extends progressively further
inwards as a function of Ṁ and the fraction of disc flux intercepted by the hot
flow also progressively increases (based on the eqpair code of Coppi 1999).
These models have the disc inner radius decreasing by a factor 2, while the
covering fraction of the hot flow increases from 0.2 to 0.6. The optical depth
in the hot flow is fixed at unity, and Lh/Ls decreases from 15 to 2.5. This
model incorporates Compton (and Coulomb) cooling self consistently, and
predicts electron temperatures dropping from 110 keV to 70 keV. This bears
a strong resemblance to the observed hard-state spectra shown in Fig 10.
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• Optical: Thermal synchrotron
• X-rays: Synchrotron by non-thermal electrons
• Consistent with opt/X-ray data for nearby objects

Photon spectra from MADs in X-ray Binaries
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two frequencies where the synchrotron spectrum is given by
( )µg g
-

gE L EE
s2 2inj . The resulting spectra can reproduce the

X-ray data of QBXBs within their uncertainty. Future hard X-ray

missions, such as focusing on relativistic universe and cosmic
evolution (FORCE) (Nakazawa et al. 2018), will be able to
measure the spectrum above 10 keV, which provides a good test
of the QBXB-MAD model. Although the spectrum extends to
MeV energies, it is too faint to be detected by near future projects,
such as e-ASTROGAM (De Angelis et al. 2017), the All-sky
Medium Energy Gamma-ray Observatory (AMEGO) (Moiseev &
Amego Team 2017), and Gamma-ray and Anti-matter Survey
(GRAMS) (Aramaki et al. 2020).
The QBXBs in Figure 2 have relatively low mass accretion

rates, –� � ´- -m 10 2 105 4. In our scenario, MADs can be
formed in a system with a higher mass accretion rate of
� -1m 10 2 (see below for observational support). In Figure 3,
we show the broadband spectra of hypothetical sources with

�- -- -m10 103 2. The gamma-ray counterpart can be detect-
able by the MeV satellites up to a few kiloparsecs for
� ~ -m 10 3 and close to 10 kpc for � ~ -m 10 2. Such systems
might be discovered by current and future X-ray monitoring
satellites. Also, known sources may emit detectable MeV
gamma-rays during a specific epoch of an outburst, although
the time window for the suitable accretion rate is limited.
The multiwavelength observations of QBXBs show the

correlation between the optical luminosity, Lopt, and X-ray
luminosity in the 2–10 keV band, LX (Russell et al. 2006). In
addition, the X-ray observations exhibit that the X-ray photon
index, ΓX, are almost constant for a wide range of the X-ray
Eddington ratio of LX/LEdd 5× 10−6 (Plotkin et al. 2013)14.
We calculate photon spectra for various �m with a fixed
(MBH/Me, β)= (10, 0.1) and (10, 0.5). The resulting spectra
are consistent with the observed relations as shown in Figure 4.
These results indicate that the accretion flows in QBXBs are in
the MAD regime when LX 3× 1033 erg s−1, or � 1m 0.01. In
contrast, BH binaries of LX/LEdd> 5× 10−6, i.e., � 2m 0.01,
show an anticorrelation between ΓX and LX/LEdd (Wu &
Gu 2008). This transition in the ΓX–LX/LEdd relation implies
that QBXB-MADs no longer exist when � 2m 0.01.

Figure 2. Broadband spectra for well-known BH X-ray binaries, A0620-00
(top), V404 Cyg (middle), and XTE J1118-480 (bottom), in quiescent states.
Thick lines are photon spectra by the MAD scenario (this study) and the thin
dashed lines are ones for a weak magnetic field scenario (SANE; see
Section 5). The total fluxes of the optical band are given by black points, and
the gray points indicate nonstellar fluxes. The blue shaded regions show the
power-law fit of X-ray data. The thin dotted lines show the sensitivity curves
for FORCE (100 ks; Nakazawa et al. 2018) and AMEGO (1 yr; Moiseev &
Amego Team 2017). The data are taken from Dinçer et al. (2018) for A0620-
00, Zurita et al. (2004); Hynes et al. (2009) for V404 Cyg, and McClintock
et al. (2003); Plotkin et al. (2013) for XTE J1118+480.

Table 1
List of Model Parameters and Physical Quantities

Shared Parameters

α * òdis η òNT sinj

0.3 10 0.15 5 0.33 1.3

Parameters for Individual BHs

Name M [Me] [ ]� -m 10 4 β dL [kpc]

A0620-00 6.6 1.0 0.40 1.7
V404 Cyg 9.0 2.0 0.50 2.4
XTE J1118+480 7.5 0.10 0.10 1.7
Hypotheticala 10 0.1 − 100 0.1 − 0.5 2 − 8

Note.
a Cases shown in Figures 3, 4, and 5. The references for BH masses and
distances are Cantrell et al. (2010), Gandhi et al. (2019) for A0620-00,
Khargharia et al. (2010), Miller-Jones et al. (2009) for V404 Cyg, and
Khargharia et al. (2013), Gelino et al. (2006) for XTE J1118+480

14 In Plotkin et al. (2013), LX is defined in the 0.5–10 keV band, while we use
LX of the 2–10 keV band throughout the paper, which results in a factor of
∼1.9 difference in LX. Here, we assume the photon index Γ ; 2.0 in the
X-ray band.
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• Maximum energy: E ~ 1 PeV 
(balance of escape & acceleration)

• Model prediction consistent with 
data within their uncertainties 

• Model uncertainty mainly from  
number of X-ray binaries 

• Future X-ray surveys will reduce  
model uncertainty 

Cosmic-Rays from MADs
31

CR protons and CR heavy nuclei. The abundance ratio in the
QBXB-MAD should be similar to the solar abundance ratio, and
we can neglect the contribution of CR heavy nuclei if the CR
injection efficiency is independent of nuclear species.

In order to calculate the CR intensity, we need to estimate
the total number of QBXBs. Since this number is uncertain, we
utilize two methods. One (Method A) is based on population
synthesis. As an analytic estimate, the number of BH X-ray
binaries can be represented as

( )
r

r

~

~ ´ - - -

N f f t

f f t3 10 , 12

BHXB BH bin qui gal

4
BH, 2.5 bin, 1.5 qui, 1.5 gal,10

where ρBH is the BH formation rate, fbin is the fraction of BHs
with a low-mass companion, fqui is the fraction of QBXBs
among BH binaries, tgal is the age of our Galaxy, ρBH,−2.5=
ρBH/(10

−2.5 yr−1), and tgal,10= tgal/(10
10 yr).15 This crude

estimate is roughly consistent with estimates by binary
population synthesis models (e.g., Yungelson et al. 2006).
Independently, NBHXB∼ 103 is suggested by the event rate of
the BH X-ray transients (Corral-Santana et al. 2016) and a
recent binary population synthesis model (Shao & Li 2020).
Here, we consider that NBHXB ranges from 103 to 3× 104. We
assume a flat �m distribution in logarithmic space in the range of

–� = - -m 10 105 2 for simplicity, although this assumption may
be optimistic. QBXB-MADs of � -2m 10 3 may be rarer than
those of � ~ -m 10 4.

The other method (Method B) is based on X-ray luminosity
functions. In our QBXB-MAD scenario, the X-ray luminosity
is well approximated by �» ´ -L m2.6 10 erg sX

35 1, and the
X-ray luminosity ranges from 3× 1030–3× 1033 erg s−1 for

�- -- -m10 105 2. The X-ray luminosity function for LX∼
1030–1034 erg s−1 is dominated by cataclysmic variables
(CVs). The luminosity function for CRs per unit stellar mass
is given by ( ) ( )»dN d L K L Llog X X b10

1.22, where = ´K 6.8

:
- -M10 4 1 and Lb= 1.9× 1030 erg s−1 (Sazonov et al. 2006).

We use the Galactic stellar mass ofM* = 6× 1010 Me (Licquia
& Newman 2015) to obtain the total number of CVs in the
Milky Way. The RXTE survey identified 24 CVs while 21
objects are unidentified. If all the unidentified sources are
QBXB-MADs, the X-ray luminosity function of QBXB-MADs
can be as high as 87.5% of that of CVs. This case is regarded as
the most optimistic case. On the other hand, the luminosity
function of Galactic LMXBs is flat, ( ) »dN d Llog 100X10 ,
for 1035 erg s−1< LX< 1037 erg s−1 (Sazonov et al. 2006). As
the most pessimistic case, we use the extrapolation of the
luminosity function of LMXBs toward lower luminosities.

The differential CR proton injection rate to the ISM is
written as

( )
�

�ò»E Q
E N

t
dN

dm
dm. 13p E

p E
2

diff

LMBH
p

p

CR protons propagate in the ISM and arrive on Earth. The
confinement time in the ISM, tconf, can be provided by

the grammage, Xesc= nISMμmpctconf, where nISM and μ are
the number density and mean atomic mass of the ISM
gas, respectively. Based on the measurements of the
boron-to-carbon ratio, the grammage is estimated to be

( )� d- -X E2.0 250 GeV g cmpesc
2, where δ= 0.46 for Ep<

250 GeV and δ= 0.33 for Ep> 250 GeV (Adriani et al. 2014;
Aguilar et al. 2016; Murase & Fukugita 2019). Then, the
CR escape rate from the ISM is estimated to be E U Vp E galp

»t E U cM Xp Econf gas escp , where UEp is the differential energy
density of CR protons and Mgas; 8× 109Me is the total gas
mass in our Galaxy (Nakanishi & Sofue 2016). This escape
rate should balance with the injection rate, and then we
can estimate the CR proton intensity, ( )pF = cU E4p E pp , to
be (Kimura et al. 2018)

( )
p

F »E
E Q X

M4
. 14p p

p E2 esc

gas

p

Figure 5 depicts the CR proton spectrum from the QBXB-
MADs. Our scenario can reproduce the CR proton data around
the knee energy within the uncertainty ranges of the
experimental data and the total number of QBXB-MADs.
The CR composition around the knee is dominated by protons
(Telescope Array Collaboration 2021), which is also consistent
with our prediction. Galactic SNRs should account for CRs
of106 GeV, while other sources, such as binary neutron-star
merger remnants (Kimura et al. 2018) or past activities of
Sgr A* (Fujita et al. 2017), should be responsible for CRs of
3× 107 GeV.

5. Discussion

5.1. Differentiating the Emission Models for QBXBs

Our QBXB-MAD scenario is distinguishable from the
previously proposed scenarios. Moderately magnetized RIAFs,
or standard and normal evolution (SANE) scenarios, usually
produce bumpy spectra (Esin et al. 1997; Narayan et al. 1997). We
calculate the spectra by the SANE-mode RIAFs with one-zone

Figure 5. CR spectra predicted by our QBXB-MAD scenario and experimental
data. The red and blue lines show the proton CR energy spectra from QBXB-
MADs by Methods A (population synthesis) and B (X-ray luminosity
function), respectively. We use β = 0.1. The uncertainty range by Method A
is shown in the pink shaded region. The experimental data for protons and all-
particle CR energy spectra are taken from Apel et al. (2013), Aartsen et al.
(2019) and Amenomori et al. (2008), and Abbasi et al. (2018), respectively.

15 If the typical lifetime of companion stars is shorter than the age of our
Galaxy, tgal should be replaced by the lifetime of the companion star. Based on
BlackCat (Corral-Santana et al. 2016), 15 out of 18 dynamically confirmed BH
binaries likely have companions whose lifetimes are longer than the age of the
Galaxy, which justifies our estimate.
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• LHAASO detection of  
Cyg X-1 & MAXI J1820+070

• Both sources are consistent with  
point sources

• Cyg X-1 in hard state  
(Position offset ~ 1.6σ)

• MAXI J1820+070 in quiescent state  
(Position offset ~ 3.5σ)

• Cyg X-1 detected in GeV γ 
=> jet component?

• Can we explain these with 
our hot accretion flow model?
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Figure 2. Significance maps of four other LHAASO measured microquasars besides SS 433, (a) V4641 Sgr, (b) GRS 1915+195, (c)
MAXI J1820+070 and (d) Cygnus X-1 at above 25 TeV, with surrounding sources being subtracted. In each panel, the green cross
marks the position of the BH of each microquasar. The green circles in (a) and (b) exhibit 68% containment radii of the LHAASO
sources, whereas no green circles are shown in (c) and (d) because of the point-like nature of associated LHAASO sources. In
(a), Fermi-LAT 4FGL-DR4 GeV gamma-ray sources within 3 ω significance region of V4641 Sgr are shown with white crosses.
In (b), other possible counterparts to the observed TeV emission are shown with cyan crosses. The black cross represents the
hot spots observed by ALMA In panel (c), the black arrow represents the propagation direction of the receding ejecta. The black
arc in (d) represents the bow-like radio structure inflated by the jet of Cygnus X-1 [30]. The yellow circle in each panel shows the
corresponding 68% containment radii of LHAASO PSF. The dashed white lines indicate the direction of the Galactic plane.
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Figure 3. Spectra of the LHAASO sources associated with four microquasars. (a) V4641 Sgr; (b) GRS 1915+105; (c)
MAXI J1820+070; (d) Cygnus X-1. In each panel, error bars represent the 1ω statistical uncertainties of measured fluxes and
bars with downward-pointing triangles (if present) are one-tailed 95% upper limits of the flux. Vertical brackets showcase the 1ω
uncertainties of fluxes including the systematic errors. Red solid lines represents the best-fit spectrum with a power-law function
and shaded regions showcase uncertainties.
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consider the dissipation mechanism at the dissipation region as
magnetic reconnection. We also take into account the plasma
entrainment from the ambient gas in that region.

This paper is organized as follows. We describe the Jet-
MAD model in Section 2. In Section 3, we apply our model to
M87 and find that our model can reproduce the multi-
wavelength data. We also investigate the cases of weak and
no plasma entrainment from the ambient gas in Section 4. In
Section 5, we examine other model assumptions and discuss
the implications of our Jet-MAD model. We present our
conclusion in Section 6.

2. Jet-MAD Model

We construct a multiwavelength emission model for radio
galaxies. In radio galaxies, accretion flows are presumed to be
in the MAD regime because of its efficient jet production
(A. Tchekhovskoy et al. 2011), which is also supported by the
observations (M. Zamaninasab et al. 2014; Event Horizon
Telescope Collaboration et al. 2021a). We show the schematic
image of our Jet-MAD model in Figure 1. In the accretion
flows, MHD turbulence is induced by the plasma instability,
such as magnetic Rayleigh–Taylor instability (e.g., J. C. McKi-
nney et al. 2012; M. D. Marshall et al. 2018; F.-G. Xie &
A. A. Zdziarski 2019). The MHD turbulence heats up thermal
plasma and accelerates nonthermal particles, leading to multi-
wavelength emission as shown in the left part of Figure 1. In
the BH magnetosphere, magnetic reconnection is induced near
the BH (B. Ripperda et al. 2022), which accelerates nonthermal
electrons efficiently, leading to copious gamma-ray production
(e.g., H. Hakobyan et al. 2023). This results in the electron–
positron pair production, loading a large amount of plasma into

the jets (S. S. Kimura et al. 2022; A. Y. Chen et al. 2023). The
loaded plasma expands outward and dissipates its energy via
magnetic reconnection, producing multiwavelength photons
via leptonic emissions as shown in the right part of Figure 1. In
our Jet-MAD model, the jet and MAD are physically connected
via the plasma loading and energy injection processes. In the
following subsections, we will explain the individual processes.

2.1. MAD Model

In this subsection, we briefly explain the particle acceleration
and emission mechanisms of the MADs. We use the one-zone
emission model, called the “MAD model,” constructed by
S. S. Kimura & K. Toma (2020) and R. Kuze et al. (2022) with
modifications of heating and acceleration mechanisms.3 We
explain the detailed calculation method of the MAD model in
Appendix A. We consider that the high-temperature plasma
accretes onto the BH of mass MBH. The mass accretion rate, M ,
and the size of the emission region, Rd, are normalized by the
Eddington rate and the gravitational radius, respectively, i.e.,
 =Mc mL2

Edd, Rd= rRg= rGMBH/c
2, where LEdd is the

Eddington luminosity, c is the speed of light, and G is the
gravitational constant. We use the notation QX=Q/10X unless
otherwise noted. For the BH mass, we use the notation
M9=MBH/(109 Me).
In the MAD model, we consider five particle species:

thermal electrons, primary electrons, primary protons, second-
ary electron–positron pairs produced by the Breit–Wheeler

Figure 1. Schematic image of the Jet-MAD model. Left: zoom-in view around the BH. Protons and electrons inside the MADs emit 100 GHz radio, X-rays, and
gamma rays via synchrotron radiation. Magnetic reconnection in the BH magnetosphere accelerates the electrons, and the electrons emit the photons via synchrotron
radiation. These photons interact with each other, forming a blob consisting of the electron–positron pairs. This blob expands and becomes the jet material observed in
radio galaxies. Right: zoom-out view around the jet dissipation region. Magnetic reconnection in the jet accelerates the electrons, which emit optical and X-rays via
synchrotron radiation. Plasma is entrained into the jet from the ambient gas.

3 S. S. Kimura & K. Toma (2020) and R. Kuze et al. (2022) consider the
magnetic reconnection as the heating and acceleration processes, while we
consider the MHD turbulence dissipation.
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Figure 3. Photon spectra obtained by our model for Cygnus X-1. The thick and thin lines are the photon spectra after
and before internal attenuation by the Breit-Wheeler process, respectively. Data points are taken from Zdziarski et al. (2017);
LHAASO Collaboration (2024). The gray solid line in the X-ray band is the soft X-ray spectrum before absorption by the
interstellar medium. The sensitivity line for CTA is taken from Actis et al. (2011). The upper limit lines for HAWC and
MAGIC are taken from Albert et al. (2021) and Fernandez-Barral et al. (2017), respectively.
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• Strong B-field => pion synchrotron cooling 
=> neutrino production suppressed at ~ TeV 
=> Unable to detect by near-future detectors

• Cumulative contribution to Galactic diffuse ν/γ  
=>Possible significant contribution to γ,  
     negligible contribution to ν

Neutrinos & Gamma-rays from X-ray Bianries
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median duty cycle of 2.7% for the hard state (see Figure 9 of
B. E. Tetarenko et al. 2016). BHXBs in quiescent states are
usually undetectable unless they are nearby. We set
fduty ; 0.027 and one for the hard and quiescent states,
respectively.

Figure 7 shows that hard-state BHXBs may contribute to
30% of the diffuse gamma-ray emission observed by LHAASO
at Eγ ∼ 100 TeV, whereas quiescent BHXBs barely contribute
due to their inefficient pion production. Due to pion
suppression, BHXBs do not contribute to the Galactic diffuse
neutrino emission.

The Galactic diffuse emission observed by air shower
gamma-ray observatories may largely arise from the CR sea
interacting with the ISM (K. Fang & K. Murase 2023; K. Fang
et al. 2024a; P. Lipari & S. Vernetto 2025), although it may
also include a contribution from unresolved sources (V. Vecc-
hiotti et al. 2022). Pulsar halos have been suggested as such
sources (A. Dekker et al. 2024; K. Yan et al. 2024). Our results
imply that hard-state BHXBs may also be a promising
contributor to the diffuse gamma-ray emission from the
Galactic plane.

4.2. Cosmic Rays from Quiescent and Hard-state Black Hole
X-Ray Binaries

Inside the MAD, MHD turbulence accelerates the protons,
and protons escape from the MAD diffusively. We estimate the
escaped CR luminosity and evaluate the contribution of the
BHXBs to the CR spectrum. We calculate the CR injection rate
to the ISM as

 ( )=E L
t

t
E N N f , 8p E p E

loss

diff

2
,inj BHXB dutyp p

where tdiff is the diffusive escape timescale and NE ,injp
is the

primary proton injection term of the MAD model. The escaped
CRs propagate in the ISM and arrive on Earth. The
confinement time inside the ISM, tconf, is provided by the
grammage, Xesc = nISMμmpctconf, where nISM is the ISM
number density and μ is the ISM mean atomic mass. Based on
boron to carbon ratio measurements, the grammage of CRs is
estimated to be  ( )/ - -X E2.0 250 GeV g cmp

s
esc

2, where
s = 0.46 for Ep < 250 GeV and s = 0.33 for Ep > 250 GeV
(M. Aguilar et al. 2016; K. Murase & M. Fukugita 2019;
O. Adriani et al. 2022). Then, the CR escape rate from the ISM
is estimated to be / /»E U V t E U cM Xp E p Egal conf gas escp p

, where
UEp is the differential energy density of the CR and
Mgas ; 8 × 109 Me is the total gas mass in our Galaxy
(H. Nakanishi & Y. Sofue 2016). The CR escape rate should
balance with the CR injection rate, and we estimate the CR

Figure 6. Top: neutrino spectrum obtained by the MAD model for Cygnus X-
1. Black, red dashed, and blue dashed lines are the total neutrino emission from
MAD, neutrino emission by the photomeson production, and neutrino emission
by inelastic pp collisions, respectively. The thin black dotted line is the total
neutrino emission before pion suppression. IceCube sensitivities obtained from
10 yr of data (light-blue) are taken from M. G. Aartsen et al. (2020). KM3NeT
sensitivity curves (gray) are taken from Z. P. Ye et al. (2023). The dashed and
dotted–dashed lines represent neutrino spectra with n

-E 2 and n
-E 3, respectively.

Bottom: same as the top panel but for the other BHXBs. Black solid, red
dashed, blue dotted–dashed, and green double dotted–dashed curves
correspond to neutrino spectra of MAXI J1820+070, GRO J1655-40,
GX 339-4, and XTE J1118+480, respectively. For comparison, the gray and
light-blue lines are the KM3NeT and IceCube sensitivities, respectively,
assuming E−2

(dashed) and E−3
(dotted–dashed) spectra, for a source at decl.

δ = 0.0. IceCube sensitivities are taken from M. G. Aartsen et al. (2020).

Figure 7. Contribution to the diffuse gamma rays and neutrinos from the
BHXBs. The blue dashed and red solid lines show the gamma-ray and neutrino
emissions from the quiescent state BHXBs (QBHXBs) and the hard-state
BHXBs, respectively. Top: diffuse TeV gamma-ray spectra from the BHXBs.
Data points are taken from Z. Cao et al. (2023). Bottom: Galactic neutrino
spectra from the BHXBs. Data points are taken from IceCube Collaboration
et al. (2023).
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B. E. Tetarenko et al. 2016). BHXBs in quiescent states are
usually undetectable unless they are nearby. We set
fduty ; 0.027 and one for the hard and quiescent states,
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• X-ray binaries • Isolated Black Holes
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• LHAASO discovered sources in Eγ > 100 TeV 
without detecting γ-rays  for  Eγ < 25 TeV  

• These objects are named “dark” sources 

• What is the origins of the “dark” sources detected by LHAASO?

New class of UHE γ-ray sources?
37
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Table 1. 1LHAASO source catalog

Source name Components ↵2000 �2000 �p,95,stat r39 TS N0 � TS100 Asso.(Sep.[�])

1LHAASO J0007+5659u KM2A 1.86 57.00 0.12 <0.18 86.5 0.33±0.05 3.10±0.20 43.6

WCDA <0.27

1LHAASO J0007+7303u KM2A 1.91 73.07 0.07 0.17±0.03 361.0 3.41±0.27 3.40±0.12 171.6 CTA 1 (0.12)

WCDA 1.48 73.15 0.10 <0.22 141.6 5.01±1.11 2.74±0.11

1LHAASO J0056+6346u KM2A 14.10 63.77 0.08 0.24±0.03 380.2 1.47±0.10 3.33±0.10 94.1

WCDA 13.78 63.96 0.15 0.33±0.07 106.1 1.45±0.41 2.35±0.13

1LHAASO J0206+4302u KM2A 31.70 43.05 0.13 <0.27 96.0 0.24±0.03 2.62±0.16 82.8

WCDA <0.09

1LHAASO J0212+4254u KM2A 33.01 42.91 0.20 <0.31 38.4 0.12±0.03 2.45±0.23 30.2

WCDA <0.07

1LHAASO J0216+4237u KM2A 34.10 42.63 0.10 <0.13 102.0 0.18±0.03 2.58±0.17 65.6

WCDA <0.20

1LHAASO J0249+6022 KM2A 42.39 60.37 0.16 0.38±0.08 148.8 0.93±0.09 3.82±0.18

WCDA 41.52 60.49 0.40 0.71±0.10 53.3 1.96±0.51 2.52±0.16

1LHAASO J0339+5307 KM2A 54.79 53.13 0.11 <0.22 144.0 0.58±0.06 3.64±0.16 LHAASO J0341+5258 (0.37)

WCDA <0.21

1LHAASO J0343+5254u* KM2A 55.79 52.91 0.08 0.20±0.02 388.1 1.07±0.07 3.53±0.10 20.2 LHAASO J0341+5258 (0.28)

WCDA 55.34 53.05 0.18 0.33±0.05 94.1 0.29±0.13 1.70±0.19

1LHAASO J0359+5406 KM2A 59.78 54.10 0.10 0.30±0.04 259.2 0.85±0.06 3.84±0.15

WCDA 59.68 54.21 0.14 0.22±0.05 59.3 0.18±0.12 1.74±0.28

1LHAASO J0428+5531* WCDA 67.23 55.53 0.36 1.18±0.12 153.8 4.73±0.65 2.66±0.10

KM2A 66.63 54.63 0.18 0.32±0.06 98.0 0.54±0.06 3.45±0.19

1LHAASO J0500+4454 WCDA 75.01 44.92 0.28 0.41±0.07 43.6 0.69±0.16 2.53±0.20

KM2A <0.09

1LHAASO J0534+3533 KM2A 83.53 35.56 0.18 <0.36 60.8 0.19±0.03 4.89±0.53

WCDA 83.38 35.48 0.18 <0.36 50.4 0.43±0.11 2.37±0.21

1LHAASO J0534+2200u WCDA 83.62 22.01 0.004 <0.04 73603.7 21.10±0.11 2.69±0.01 Crab (0.01)

KM2A 83.61 22.04 0.011 <0.06 14328.1 6.23±0.10 3.19±0.03 2381.4

1LHAASO J0542+2311u KM2A 85.71 23.20 0.14 0.98±0.05 745.3 2.93±0.12 3.74±0.09 21.2 HAWC J0543+233 (0.21)

WCDA* 86.07 23.19 0.50 1.45±0.18 136.9 2.08±0.54 1.95±0.13

1LHAASO J0617+2234 WCDA 94.35 22.57 0.18 0.59±0.08 243.4 1.95±0.27 2.92±0.14 IC 443 (0.14)

KM2A <0.17

1LHAASO J0622+3754 KM2A 95.50 37.90 0.08 0.46±0.03 615.0 1.42±0.07 3.68±0.10 LHAASO J0621+3755 (0.03)

WCDA 95.67 37.93 0.29 0.50±0.09 59.3 0.39±0.17 1.82±0.22

1LHAASO J0631+1040 KM2A 97.77 10.67 0.11 <0.30 141.6 0.54±0.06 3.33±0.16 3HWC J0631+107(0.06)

WCDA <0.36

1LHAASO J0634+1741u KM2A 98.57 17.69 0.10 0.89±0.04 1043.3 4.42±0.15 3.69±0.06 23.0 Geminga (0.54)

WCDA 98.51 17.72 0.28 1.16±0.17 193.2 1.53±0.65 1.65±0.15

1LHAASO J0635+0619 KM2A 98.76 6.33 0.23 0.60±0.07 106.1 0.94±0.10 3.67±0.18 HAWC J0635+070 (0.67)

WCDA <0.90

1LHAASO J0703+1405 KM2A 105.83 14.10 0.26 1.88±0.09 841.0 6.30±0.23 3.98±0.08 2HWC J0700+143 (0.72)

WCDA 105.32 14.55 0.48 1.30±0.21 90.2 2.27±0.74 1.98±0.12

1LHAASO J1104+3810 WCDA 166.07 38.18 0.01 <0.04 5343.6 3.68±0.10 3.41±0.03 Markarian 421 (0.02)

Table 1 continued on next page
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Table 1. 1LHAASO source catalog

Source name Components ↵2000 �2000 �p,95,stat r39 TS N0 � TS100 Asso.(Sep.[�])

1LHAASO J0007+5659u KM2A 1.86 57.00 0.12 <0.18 86.5 0.33±0.05 3.10±0.20 43.6

WCDA <0.27

1LHAASO J0007+7303u KM2A 1.91 73.07 0.07 0.17±0.03 361.0 3.41±0.27 3.40±0.12 171.6 CTA 1 (0.12)

WCDA 1.48 73.15 0.10 <0.22 141.6 5.01±1.11 2.74±0.11

1LHAASO J0056+6346u KM2A 14.10 63.77 0.08 0.24±0.03 380.2 1.47±0.10 3.33±0.10 94.1

WCDA 13.78 63.96 0.15 0.33±0.07 106.1 1.45±0.41 2.35±0.13

1LHAASO J0206+4302u KM2A 31.70 43.05 0.13 <0.27 96.0 0.24±0.03 2.62±0.16 82.8

WCDA <0.09

1LHAASO J0212+4254u KM2A 33.01 42.91 0.20 <0.31 38.4 0.12±0.03 2.45±0.23 30.2

WCDA <0.07

1LHAASO J0216+4237u KM2A 34.10 42.63 0.10 <0.13 102.0 0.18±0.03 2.58±0.17 65.6

WCDA <0.20

1LHAASO J0249+6022 KM2A 42.39 60.37 0.16 0.38±0.08 148.8 0.93±0.09 3.82±0.18

WCDA 41.52 60.49 0.40 0.71±0.10 53.3 1.96±0.51 2.52±0.16

1LHAASO J0339+5307 KM2A 54.79 53.13 0.11 <0.22 144.0 0.58±0.06 3.64±0.16 LHAASO J0341+5258 (0.37)

WCDA <0.21

1LHAASO J0343+5254u* KM2A 55.79 52.91 0.08 0.20±0.02 388.1 1.07±0.07 3.53±0.10 20.2 LHAASO J0341+5258 (0.28)

WCDA 55.34 53.05 0.18 0.33±0.05 94.1 0.29±0.13 1.70±0.19

1LHAASO J0359+5406 KM2A 59.78 54.10 0.10 0.30±0.04 259.2 0.85±0.06 3.84±0.15

WCDA 59.68 54.21 0.14 0.22±0.05 59.3 0.18±0.12 1.74±0.28

1LHAASO J0428+5531* WCDA 67.23 55.53 0.36 1.18±0.12 153.8 4.73±0.65 2.66±0.10

KM2A 66.63 54.63 0.18 0.32±0.06 98.0 0.54±0.06 3.45±0.19

1LHAASO J0500+4454 WCDA 75.01 44.92 0.28 0.41±0.07 43.6 0.69±0.16 2.53±0.20

KM2A <0.09

1LHAASO J0534+3533 KM2A 83.53 35.56 0.18 <0.36 60.8 0.19±0.03 4.89±0.53

WCDA 83.38 35.48 0.18 <0.36 50.4 0.43±0.11 2.37±0.21

1LHAASO J0534+2200u WCDA 83.62 22.01 0.004 <0.04 73603.7 21.10±0.11 2.69±0.01 Crab (0.01)

KM2A 83.61 22.04 0.011 <0.06 14328.1 6.23±0.10 3.19±0.03 2381.4

1LHAASO J0542+2311u KM2A 85.71 23.20 0.14 0.98±0.05 745.3 2.93±0.12 3.74±0.09 21.2 HAWC J0543+233 (0.21)

WCDA* 86.07 23.19 0.50 1.45±0.18 136.9 2.08±0.54 1.95±0.13

1LHAASO J0617+2234 WCDA 94.35 22.57 0.18 0.59±0.08 243.4 1.95±0.27 2.92±0.14 IC 443 (0.14)

KM2A <0.17

1LHAASO J0622+3754 KM2A 95.50 37.90 0.08 0.46±0.03 615.0 1.42±0.07 3.68±0.10 LHAASO J0621+3755 (0.03)

WCDA 95.67 37.93 0.29 0.50±0.09 59.3 0.39±0.17 1.82±0.22

1LHAASO J0631+1040 KM2A 97.77 10.67 0.11 <0.30 141.6 0.54±0.06 3.33±0.16 3HWC J0631+107(0.06)

WCDA <0.36

1LHAASO J0634+1741u KM2A 98.57 17.69 0.10 0.89±0.04 1043.3 4.42±0.15 3.69±0.06 23.0 Geminga (0.54)

WCDA 98.51 17.72 0.28 1.16±0.17 193.2 1.53±0.65 1.65±0.15

1LHAASO J0635+0619 KM2A 98.76 6.33 0.23 0.60±0.07 106.1 0.94±0.10 3.67±0.18 HAWC J0635+070 (0.67)

WCDA <0.90

1LHAASO J0703+1405 KM2A 105.83 14.10 0.26 1.88±0.09 841.0 6.30±0.23 3.98±0.08 2HWC J0700+143 (0.72)

WCDA 105.32 14.55 0.48 1.30±0.21 90.2 2.27±0.74 1.98±0.12

1LHAASO J1104+3810 WCDA 166.07 38.18 0.01 <0.04 5343.6 3.68±0.10 3.41±0.03 Markarian 421 (0.02)

Table 1 continued on next page
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Figure 8. LHAASO significance map for eight sources with |b| > 12�. For each source, WCDA (1 TeV <
E < 25 TeV) and KM2A (E > 25 TeV) significance map are shown in top and bottom map, respectively.

to date, SNRcat2 (Ferrand & Safi-Harb 2012). Although we don’t expected that the pulsed TeV
emission from pulsar is detected by LHAASO, the pulsar is a probe to illustrate the characteristic
properties of association SNR and/or PWNe, and is also an indicator of a possible unseen SNR
and/or PWN. For the pulsar associations, we used Web-based Australia Telescope National Facility

2 http://www.physics.umanitoba.ca/snr/SNRcat
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• 0.1% of stars form BHs:  
—> many IBHs wandering interstellar medium

• IBHs accretes ISM gas by Bondi-Hoyle-Littleton rate  

• Accretion onto IBHs depends on ISM phase

• warm medium: 

• molecular clouds  

• Hillas energy for isolated BH 
=>  
IBHs as PeVatrons?

NBH ∼ fBHNstar ∼ 3 × 108

e.g., Matsumoto et al. 2018). Hence, we hereafter focus on the
other three phases.

We estimate the physical properties of IBH-MADs. Since the
accretion rate is much lower than the Eddington rate,
M L c M1.4 10 g sEdd Edd

2 18
1

1 = ´ - , the radiatively ineffi-
cient accretion flow (RIAF; Narayan & Yi 1994; Ichi-
maru 1977; Yuan & Narayan 2014) is formed. According to
recent general relativistic magnetohydrodynamic (GRMHD)
simulations, RIAFs can produce outflows and create large-scale
poloidal magnetic fields even starting from a purely toroidal
magnetic field (Liska et al. 2020). These poloidal fields are
efficiently carried to the IBH, which likely results in formation
of a MAD around the IBH (Cao 2011; Ioka et al. 2017; Kimura
et al. 2021).7 Introducing a reduction parameter of the mass
accretion rate, λw� 1, due to outflows and convection
(Blandford & Begelman 1999; Quataert & Gruzinov 2000;
Yuan et al. 2015; Inayoshi et al. 2018), the accretion rate onto
an IBH can be estimated as
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where G is the gravitational constant,M and vk are the mass and
the proper-motion velocity of the IBH, respectively, mp is the
proton mass, and μISM; 1.26, nISM, and Cs are the mean
atomic weight, number density, and sound speed of the ISM
gas (see Table 1), respectively. We use λw= 1 as a reference
value for simplicity, but we will discuss the cases with a low
value of λw in Section 5. We assume vk; 40 km s−1 as a
reference value as in Ioka et al. (2017).

The radial velocity, proton temperature, gas number density,
and magnetic field of MADs can be estimated to be (Kimura
et al. 2019b, 2021, 2021)
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where R RG= is the size of the emission region normalized
by the gravitational radius, RG=GM/c2, α is the viscous
parameter (Shakura & Sunyaev 1973), H≈ R/2 is the scale
height, and β is the plasma beta.
Inside MADs, electrons are heated up to a relativistic

temperature by magnetic energy dissipation, such as magnetic
reconnections (Rowan et al. 2017; Hoshino 2018) and the
turbulence cascades (Howes 2010; Kawazura et al. 2019). We
parameterize the total heating rate and electron heating rate as
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where òdis is the ratio of dissipation to accretion energies, òNT is
the ratio of nonthermal particle production to dissipation
energy, and fe is the electron heating fraction. Considering the
trans-relativistic magnetic reconnection, we use the electron
heating prescription given by Rowan et al. (2017) and Chael
et al. (2018)8:

⎜ ⎟⎛⎝ ⎞⎠ ( )f
1
2

exp
1 4
0.8

, 8e
B

B

bs
s

» -
-
+

where ( )B N m c4 0.5B p p
2 2

1
1

1
1s p b= -

-
- is the magnetiza-

tion parameter. We assume that the proton temperature is
subrelativistic, which is reasonable for the bulk of the accretion
flows. We obtain fe∼ 0.3 with our reference parameter set.

3. Photon Spectra from IBH-MADs

We calculate the photon spectrum from IBH-MADs using
the method in Kimura et al. (2021; see also Kimura et al.
2015, 2019a; Kimura & Toma 2020), where we include both
thermal and nonthermal components of electrons and treat them
as separate components. Thermal electrons emit broadband
photons by thermal synchrotron, bremsstrahlung, and Comp-
tonization processes. Nonthermal electrons emit broadband
photons by synchrotron emission, and we can ignore other
emission processes in the MADs. We also calculate emissions
induced by nonthermal protons, but we find that their
contribution is negligible.
The thermal electrons emit optical photons by thermal

synchrotron radiation. For cases with low M• , the cooling
processes are so inefficient that the radiative cooling cannot
balance the heating before falling to the IBH. Then, the
electron temperature is determined by k T f k TB e e B p,adi »

( )f7.0 0.3e 1
1- MeV. For high M• , the electron temperature

Table 1
Physical Quantities in Five ISM Phases

ISM Phase nISM Cs,ISM HISM ξ0
[cm−3] [km s−1] [kpc]

Molecular clouds 102 10 0.075 0.001
Cold H I 10 10 0.15 0.04
Warm H I 0.3 10 0.50 0.35
Warm H II 0.15 10 1.0 0.2
Hot H II 0.002 150 3.0 0.43

Note. nISM, Cs,ISM, HISM, ξ0 are the number density, effective sound velocity,
scale height, and volume filling factor of the ISM phases. We mainly discuss
Cold H I, Warm H I, and Warm H II.

7 Some GRMHD simulations do not achieve the MAD state even for their
long integration timescales, depending on the initial magnetic field configura-
tions (Narayan et al. 2012; White et al. 2020). This may indicate that the
condition for MAD formation depends on the magnetic field configurations of
the ambient medium.

8 Previous works on emissions from MADs (Kimura et al. 2021; Kimura &
Toma 2020) use the prescription by Hoshino (2018), which assumes
nonrelativistic magnetic reconnections. Since magnetic reconnections in MADs
can be trans-relativistic, we examine Chael et al. (2018) in this study.
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·Mc2 ∼ 1032 erg/s nISM,−1vk,40km/s

·Mc2 ∼ 1035 erg/s nISM,2vk,40km/s

Emax ≈ eBR ∼ 0.8L1/2
35 ϵ1/2

B PeV

Isolated Black Holes (IBHs)
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(Barkov et al. 2012; Ioka et al. 2017)
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Schematic picture of our scenario
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molecular clouds, and these CRs can provide a significant
contribution to the CRs observed on Earth. Throughout the
Letter, we use notation of QX = Q/10X in cgs units unless
otherwise noted.

2. Accretion Flows onto IBHs in Molecular Clouds

We consider a stellar-mass IBH wandering in a molecular
cloud. The IBH captures the ambient gas with the Bondi–
Hoyle–Lyttleton rate, but a fraction of the accreting gas would
not reach the vicinity of the IBHs because of mass loss or
convective motion (R. D. Blandford & M. C. Begelman 1999;
E. Quataert & A. Gruzinov 2000). We introduce a parameter,
λw, to take into account the reduction of mass accretion rate.
The value of λw is under debate; It would also depend on
efficiencies of kinetic/radiation feedback (e.g., K. Sugimura
et al. 2017; E. Ogata et al. 2024). We here use λw = 0.1 as a
reference value, which is consistent with recent general
relativistic magnetohydrodynamic (GRMHD) simulations
(A. Galishnikova et al. 2024; Y. Kim & E. R. Most 2024).
Then, we estimate the mass accretion rate onto IBH as
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where G is the gravitational constant, M is the IBH mass,
mp is the proton mass, Vk is the relative velocity between the
IBH and the molecular gas, and μMC = 2.3, nMC, and
Cs,eff ∼ 106 cm s−1 are the mean molecular weight, number
density, and the effective sound speed including turbulence
velocity dispersion in the molecular gas, respectively, with

= +V C Vs keff ,eff
2 2 , and M1 = M•/10Me. This value is much

lower than the Eddington accretion rate. The Eddington ratio is

estimated to be
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With such a low Eddington ratio, we expect formation of hot
accretion flows (F. Yuan & R. Narayan 2014), which carries a
magnetic flux in the ISM efficiently owing to the rapid
advection. This causes accumulation of magnetic flux onto the
IBH (X. Cao 2011; S. S. Kimura et al. 2021b; P. Dhang et al.
2023). Based on GRMHD simulations, the magnetic flux
threading a BH has a saturation value, and an MAD is formed
if the magnetic flux threading a BH reaches this value
(A. Tchekhovskoy et al. 2011; J. C. McKinney et al. 2012).
Since the magnetic flux within the Bondi radius is much higher
than the saturation flux in a typical ISM environment (K. Ioka
et al. 2017), we expect the formation of an MAD around the
IBH. Also, recent GRMHD simulations revealed that a hot
accretion flow can reach the MAD state even without the initial
net poloidal magnetic field (M. Liska et al. 2020), which also
supports the formation of an MAD.
The Eddington ratio of MADs around IBHs in molecular

clouds is comparable to those for quiescent X-ray binaries.
S. S. Kimura et al. (2021b) constructed a multiwavelength
emission model considering MADs in quiescent X-ray binaries.
This model successfully explains the optical and X-ray data.
Assuming that the plasma state of MADs around IBHs is
similar to that in quiescent X-ray binaries, we use the same
plasma parameters as those in S. S. Kimura et al. (2021b).
Based on the parameterization, 15% of the released energy is
dissipated, = L Mcdis diss

2 with òdiss = 0.15. Protons and
electrons would obtain 70% and 30% of the dissipation energy,
so that Lp = (1–fe)Ldiss and Le = feLdiss with fe = 0.3.
Nonthermal particles would obtain 1/3 of the dissipation
energy, LCR = òNTLp with òNT = 0.33, which leads to a CR

Figure 1. A schematic picture of our scenario. An IBH in a molecular cloud accretes the surrounding gas, forming an MAD. Protons are accelerated in the MAD, and
high-energy protons can escape from the MAD. Some of these protons interact with the ambient gas, emitting TeV–PeV gamma rays that can explain LHAASO dark
sources. The majority of the protons escape from the molecular cloud, contributing to the PeV CRs observed on Earth.

2
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γ-rays from molecular clouds
40

emit such high-energy photons. On the other hand, IBHs with
the optimistic parameter set can emit ∼100 TeV gamma rays,
enabling LHAASO to detect such systems even if they are
located at several times more distant than the nearest molecular
clouds. Because of their rarity, the nearest IBH detectable by
LHAASO could be located at a few kiloparsecs away from the

Earth. In this situation, the angular size of the molecular cloud
is ∼0.1 deg, which is consistent with the size of the dark
sources (<0.18 deg for J0007+5659u) reported by the
LHAASO Collaboration (Z. Cao et al. 2024).
Some of the dark sources, J0206+4302u and J0212+4254u,

are located at high Galactic latitude (b = −17 deg; Z. Cao et al.
2024). Although typical giant molecular clouds are concen-
trated on the Galactic plane, dense gas clouds exist even in
such a high Galactic latitude (e.g., H. Nakanishi &
Y. Sofue 2016; Q.-Z. Yan et al. 2019). Quantitative evaluation
of whether our model can explain these sources is left for
future work.

5. Contribution of IBHs to PeV CRs on Earth

In this section, we estimate the contribution of IBHs in
molecular clouds to PeV CRs observed on Earth. Both IBHs
and molecular clouds should be concentrated on the inner part
of our Galaxy. The distribution of the molecular gas in our
Galaxy is given in H. Nakanishi & Y. Sofue (2016), which is
concentrated within  1–2 kpc from the Galactic center. We
estimate the volume filling factor of molecular gas in the
Galactic center following the method of D. Tsuna et al. (2018),
where the volume filling factor of molecular clouds, ξMC,
depends on galactocentric radius, Rgc. We find that the volume
filling factor in the inner Galaxy is ξMC ; 0.02 for
Rgc  1–2 kpc, which is more than 1 order of magnitude
higher than that of the solar neighborhood (J. Bland-Hawthorn
& R. Reynolds 2000). There should be density distribution
within the molecular gas phase, and the higher-density regions
should have a smaller volume filling factor. We assume
/x µ -d dn nMC MC

2.8 following the previous work (K. Ioka et al.
2017; D. Tsuna et al. 2018).
Next, we describe the IBH distribution in our Galaxy. If the

IBHs are formed by the evolution of the disk stars, the surface
density distribution of IBHs should roughly follow the stellar
distribution in the Galactic disk. The surface density profile of
the disk component is given by the exponential function,

( )/S ~ S -R Rexp dIBH 0 gc , where Rd = 2.15 kpc and Σ0 is the
normalization factor (T. C. Licquia & J. A. Newman 2015).
The total number of IBHs in our Galaxy is normalized by
NIBH,tot = 2π∫dRgcΣIBHRgc. We set NIBH,tot = 6 × 108 (e.g.,
N. S. Abrams & M. Takada 2020), although this value has a
large uncertainty. The total number of IBHs embedded in
molecular clouds is estimated to be NIBH,MC ≈
∫dRgc2πRgcΣIBHξMC(HMC/HIBH), where HMC ∼ 0.075 kpc and
HIBH are the scale heights of the molecular gas and IBHs,
respectively. We assume HIBH = 0.3 kpc, based on numerical
computation for IBH distribution in our Galaxy (D. Tsuna et al.
2018).
The velocity distribution of the IBH population, σv, is

affected by the natal kick distribution. The Galactic distribution
for BH X-ray binaries suggests that a fraction of BHs
experienced a strong natal kick of 100 km s−1, but the
majority of BHs are consistent with a weak natal kick of
Vk ∼ 10–50 km s−1 (S. Repetto et al. 2017; P. Nagarajan &
K. El-Badry 2024). Also, the discovery of an IBH by a
microlensing event also favors a lower value of
Vk < 100 km s−1 (K. C. Sahu et al. 2022; N. Koshimoto
et al. 2024). Here, we assume that the kick velocity of the
formation of IBHs is weak, and the velocity dispersion of the
IBH population is similar to that of the disk stars, i.e.,
σv ∼ 20 km s−1. We assume that the velocity distribution is

Figure 3. Gamma-ray spectra from molecular clouds that host IBHs. Top and
bottom panels are for a typical case in a typical molecular cloud and for an
optimistic case that matches a LHAASO dark source (J0007+5659u),
respectively. Their parameter sets are tabulated in Table 1. The thin gray
dashed lines represent the LHAASO sensitivity (X. Bai et al. 2019). The black
solid and blue dashed curves are our prediction on gamma rays and neutrinos,
respectively. The red line with a pink band and the thin dotted line in the lower
panel are the observed spectra and upper limit given in the first LHAASO
catalog, respectively.

Table 1
Parameter Sets in Our Models

Shared Parameters

 α β λw fCR ηrec ηdiff sinj

10 0.3 0.1 0.1 0.035 10 10 2.0

Model Parameters

Model M• nMC Vk RMC BMC d
(Me) (cm−3) (km s−1) (pc) (μG) (kpc)

Typical 10 100 20 20 10 0.50
J0007 20 1000 20 5.0 30 2.0

Note. See Section 4 for values on RMC and BMC. See Section 5 for values onM•

and Vk.
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emit such high-energy photons. On the other hand, IBHs with
the optimistic parameter set can emit ∼100 TeV gamma rays,
enabling LHAASO to detect such systems even if they are
located at several times more distant than the nearest molecular
clouds. Because of their rarity, the nearest IBH detectable by
LHAASO could be located at a few kiloparsecs away from the

Earth. In this situation, the angular size of the molecular cloud
is ∼0.1 deg, which is consistent with the size of the dark
sources (<0.18 deg for J0007+5659u) reported by the
LHAASO Collaboration (Z. Cao et al. 2024).
Some of the dark sources, J0206+4302u and J0212+4254u,

are located at high Galactic latitude (b = −17 deg; Z. Cao et al.
2024). Although typical giant molecular clouds are concen-
trated on the Galactic plane, dense gas clouds exist even in
such a high Galactic latitude (e.g., H. Nakanishi &
Y. Sofue 2016; Q.-Z. Yan et al. 2019). Quantitative evaluation
of whether our model can explain these sources is left for
future work.

5. Contribution of IBHs to PeV CRs on Earth

In this section, we estimate the contribution of IBHs in
molecular clouds to PeV CRs observed on Earth. Both IBHs
and molecular clouds should be concentrated on the inner part
of our Galaxy. The distribution of the molecular gas in our
Galaxy is given in H. Nakanishi & Y. Sofue (2016), which is
concentrated within  1–2 kpc from the Galactic center. We
estimate the volume filling factor of molecular gas in the
Galactic center following the method of D. Tsuna et al. (2018),
where the volume filling factor of molecular clouds, ξMC,
depends on galactocentric radius, Rgc. We find that the volume
filling factor in the inner Galaxy is ξMC ; 0.02 for
Rgc  1–2 kpc, which is more than 1 order of magnitude
higher than that of the solar neighborhood (J. Bland-Hawthorn
& R. Reynolds 2000). There should be density distribution
within the molecular gas phase, and the higher-density regions
should have a smaller volume filling factor. We assume
/x µ -d dn nMC MC

2.8 following the previous work (K. Ioka et al.
2017; D. Tsuna et al. 2018).
Next, we describe the IBH distribution in our Galaxy. If the

IBHs are formed by the evolution of the disk stars, the surface
density distribution of IBHs should roughly follow the stellar
distribution in the Galactic disk. The surface density profile of
the disk component is given by the exponential function,

( )/S ~ S -R Rexp dIBH 0 gc , where Rd = 2.15 kpc and Σ0 is the
normalization factor (T. C. Licquia & J. A. Newman 2015).
The total number of IBHs in our Galaxy is normalized by
NIBH,tot = 2π∫dRgcΣIBHRgc. We set NIBH,tot = 6 × 108 (e.g.,
N. S. Abrams & M. Takada 2020), although this value has a
large uncertainty. The total number of IBHs embedded in
molecular clouds is estimated to be NIBH,MC ≈
∫dRgc2πRgcΣIBHξMC(HMC/HIBH), where HMC ∼ 0.075 kpc and
HIBH are the scale heights of the molecular gas and IBHs,
respectively. We assume HIBH = 0.3 kpc, based on numerical
computation for IBH distribution in our Galaxy (D. Tsuna et al.
2018).
The velocity distribution of the IBH population, σv, is

affected by the natal kick distribution. The Galactic distribution
for BH X-ray binaries suggests that a fraction of BHs
experienced a strong natal kick of 100 km s−1, but the
majority of BHs are consistent with a weak natal kick of
Vk ∼ 10–50 km s−1 (S. Repetto et al. 2017; P. Nagarajan &
K. El-Badry 2024). Also, the discovery of an IBH by a
microlensing event also favors a lower value of
Vk < 100 km s−1 (K. C. Sahu et al. 2022; N. Koshimoto
et al. 2024). Here, we assume that the kick velocity of the
formation of IBHs is weak, and the velocity dispersion of the
IBH population is similar to that of the disk stars, i.e.,
σv ∼ 20 km s−1. We assume that the velocity distribution is

Figure 3. Gamma-ray spectra from molecular clouds that host IBHs. Top and
bottom panels are for a typical case in a typical molecular cloud and for an
optimistic case that matches a LHAASO dark source (J0007+5659u),
respectively. Their parameter sets are tabulated in Table 1. The thin gray
dashed lines represent the LHAASO sensitivity (X. Bai et al. 2019). The black
solid and blue dashed curves are our prediction on gamma rays and neutrinos,
respectively. The red line with a pink band and the thin dotted line in the lower
panel are the observed spectra and upper limit given in the first LHAASO
catalog, respectively.

Table 1
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 α β λw fCR ηrec ηdiff sinj

10 0.3 0.1 0.1 0.035 10 10 2.0

Model Parameters

Model M• nMC Vk RMC BMC d
(Me) (cm−3) (km s−1) (pc) (μG) (kpc)

Typical 10 100 20 20 10 0.50
J0007 20 1000 20 5.0 30 2.0

Note. See Section 4 for values on RMC and BMC. See Section 5 for values onM•

and Vk.
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• Optimistic environment

• We cannot detect γ-rays with LHAASO
• We cannot expect neutrino detection  

even with future detectors

• Our scenario can explain LHAASO data
• Future detectors may be able to  

detect neutrinos from “dark” sources

 RMC = 5 pc
nMC = 103 cm−3

 RMC = 20 pc
nMC = 102 cm−3

 d = 2 kpc
M = 20 M⊙

 d = 0.5 kpc
M = 10 M⊙

SSK, Tomida, Kobayashi, Kin, Zhang 2025



• IBHs in molecular clouds:  
  

•  

•  

  

• They can be source of PeV CRs

NBH,MC ∼ 105NIBH,8ξMC,−3

LCR ∼ 1033ϵp,−2(
·Mc2)35 erg/s

LCR,IBH ≈ NBH,MCLCR ∼ 1038 erg/s
≳ LCR,PeV ≃ 1.5 × 1038 erg/s

IBHs in Molecular Clouds as PeVatrons
41

given by a Gaussian with σv, and the mean velocity of IBHs is
/p s ~ -2 25 km sv

1. As for the mass distribution of IBHs, we
use the mass distribution obtained by gravitational wave
observations, which can be approximated as / µ -dN dM M• •

3.5

within the range of 10Me  M•  50Me (R. Abbott et al.
2023).8

We use the leaky-box approximation to estimate the CR
intensity on Earth. Using the distributions of parameters
(dN/dM•, dN/dVk, dξ/dnMC), the CR injection rate from IBHs
to ISM is estimated as
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where we normalize the distribution by ∫dM•dN/dM• = 1,
∫dVkdN/dVk = 1, and ∫dnMCdξ/dnMC = 1. Here, we assume
that dN/dM•, dN/dVk, and dξ/dnMC are independent of Rgc for
simplicity. The confinement timescale of the CR protons in our
Galaxy is estimated by using the grammage, Xesc, which
indicates the amount of matter in the CR path length from the
source to the Earth. Based on recent experiments, the
grammage is estimated to be  ( )/ d-X E2.0 250 GeVpesc ,
where δ = 0.46 for Ep < 250 GeV and δ = 0.33 for
Ep > 250 GeV (O. Adriani et al. 2014; M. Aguilar et al. 2016).
Balancing the injection from IBHs and escape from the ISM,
the CR proton intensity on Earth is estimated as (e.g.,
S. S. Kimura et al. 2018; K. Murase & M. Fukugita 2019)

( )
p

F »E
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M4
, 13p p
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gas

p

where Mgas ; 8 × 109Me is the total gas mass in our Galaxy
(H. Nakanishi & Y. Sofue 2016).

The resulting CR proton spectrum is shown in Figure 4. We
find that IBHs in molecular clouds could provide a significant

contribution to the PeV CRs observed on Earth. Typical IBHs
in typical density molecular clouds can accelerate CRs up to
1 PeV. On the other hand, IBHs with high M•, low Vk, and
high nMC can accelerate CRs up to 1–10 PeV (see
Equation (7)), which enables IBHs in molecular clouds to
contribute to the superknee CR component.
Although our scenario can explain the PeV CR data with a

reasonable parameter set, it contains uncertain parameters, such
as the total number of IBHs, NIBH,tot, the reduction factor of the
accretion rate, λw, and the velocity dispersion of the IBH, σv.
We calculate the CR intensities with various sets of parameters,
which are shown in Figure 4. The CR intensities at PeV
energies are higher for higher λw and lower σv. The intensity is
also proportional to NIBH,tot. These parameters could be
constrained by future observations or simulations. Especially,
NIBH,tot and σv will be obtained by wide and deep optical
surveys, such as LSST and Roman, because these surveys
would be able to identify multiple IBHs by microlensing events
(e.g., R. A. Street et al. 2018).
The discrepancy between KASCADE and IceTop likely

originates from the uncertainty of the hadronic interaction
models. The recent LHAASO result indicates that the mass
composition around the knee energy is dominated by light
elements (Z. Cao et al. 2024), which is consistent with the
IceTop result. Our reference model predicts that the proton
contribution is 30% of the observed knee energies of 4 PeV. If
we use slightly higher λw or lower σv, our model prediction
would be consistent with the LHAASO and IceTop results.

6. Summary and Discussion

We propose that IBHs in molecular clouds can be the origin
of LHAASO dark sources and PeV CRs observed on Earth.
IBHs accrete gas in molecular clouds, which leads to the
formation of MADs around IBHs. In the MADs, CR protons
can be accelerated up to PeV energies via magnetic reconnec-
tion in the vicinity of IBHs. Then, these PeV CRs escape from
the MADs and propagate in the ambient molecular clouds,
which leads to gamma-ray emission from the clouds via
hadronuclear interactions. These gamma-ray signals can
explain LHAASO dark sources, from which we observe
100 TeV photons without GeV–TeV gamma-ray counterparts.
The vast majority of the PeV CRs escape from the molecular
clouds and are injected into the ISM in our Galaxy. These PeV
CRs can provide a significant contribution to the PeV CR
intensity observed on Earth with a reasonable parameter set.
Based on our scenario, the dark sources detected by

LHAASO should be associated with dense clouds. Obvious
associations are currently not reported (but see C. Xie et al.
2024 for a tentative association with a small, nearby molecular
cloud around J0007+5659u), despite radio Galactic plane
surveys having been already conducted (e.g., T. M. Dame et al.
2001; T. Umemoto et al. 2017). The LHAASO angular
resolution is larger than the typical field of view of radio
telescopes, and our scenario demands relatively distant and
denser gas associated with the dark LHAASO sources, both of
which make the identification of dense gas clouds challenging.
Improvements for angular resolution of LHAASO and high-
sensitivity radio surveys with high-density tracers are necessary
to identify a dense cloud or rule out the existence of it.
HESS Collaboration et al. (2016) reported the detection of

100 TeV gamma rays from the central molecular zone,
suggesting the existence of PeVatron at the Galactic center.

Figure 4. Comparison of our model prediction to the observed CR intensity on
Earth. The red line represents our prediction. The data points are from
KASCADE (W. D. Apel et al. 2013), IceTop (M. G. Aartsen et al. 2019),
TALE (R. U. Abbasi et al. 2018), Tibet-III (M. Amenomori et al. 2008), and
LHAASO (Z. Cao et al. 2024).

8 Although the mass distribution of merging BHs is not represented by a
power-law form, we use a single power-law mass distribution for simplicity. In
addition, the minimum and maximum masses of the stellar-mass BH
population are not well constrained by the gravitational wave data.
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molecular clouds, and these CRs can provide a significant
contribution to the CRs observed on Earth. Throughout the
Letter, we use notation of QX = Q/10X in cgs units unless
otherwise noted.

2. Accretion Flows onto IBHs in Molecular Clouds

We consider a stellar-mass IBH wandering in a molecular
cloud. The IBH captures the ambient gas with the Bondi–
Hoyle–Lyttleton rate, but a fraction of the accreting gas would
not reach the vicinity of the IBHs because of mass loss or
convective motion (R. D. Blandford & M. C. Begelman 1999;
E. Quataert & A. Gruzinov 2000). We introduce a parameter,
λw, to take into account the reduction of mass accretion rate.
The value of λw is under debate; It would also depend on
efficiencies of kinetic/radiation feedback (e.g., K. Sugimura
et al. 2017; E. Ogata et al. 2024). We here use λw = 0.1 as a
reference value, which is consistent with recent general
relativistic magnetohydrodynamic (GRMHD) simulations
(A. Galishnikova et al. 2024; Y. Kim & E. R. Most 2024).
Then, we estimate the mass accretion rate onto IBH as
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
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where G is the gravitational constant, M is the IBH mass,
mp is the proton mass, Vk is the relative velocity between the
IBH and the molecular gas, and μMC = 2.3, nMC, and
Cs,eff ∼ 106 cm s−1 are the mean molecular weight, number
density, and the effective sound speed including turbulence
velocity dispersion in the molecular gas, respectively, with

= +V C Vs keff ,eff
2 2 , and M1 = M•/10Me. This value is much

lower than the Eddington accretion rate. The Eddington ratio is

estimated to be
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With such a low Eddington ratio, we expect formation of hot
accretion flows (F. Yuan & R. Narayan 2014), which carries a
magnetic flux in the ISM efficiently owing to the rapid
advection. This causes accumulation of magnetic flux onto the
IBH (X. Cao 2011; S. S. Kimura et al. 2021b; P. Dhang et al.
2023). Based on GRMHD simulations, the magnetic flux
threading a BH has a saturation value, and an MAD is formed
if the magnetic flux threading a BH reaches this value
(A. Tchekhovskoy et al. 2011; J. C. McKinney et al. 2012).
Since the magnetic flux within the Bondi radius is much higher
than the saturation flux in a typical ISM environment (K. Ioka
et al. 2017), we expect the formation of an MAD around the
IBH. Also, recent GRMHD simulations revealed that a hot
accretion flow can reach the MAD state even without the initial
net poloidal magnetic field (M. Liska et al. 2020), which also
supports the formation of an MAD.
The Eddington ratio of MADs around IBHs in molecular

clouds is comparable to those for quiescent X-ray binaries.
S. S. Kimura et al. (2021b) constructed a multiwavelength
emission model considering MADs in quiescent X-ray binaries.
This model successfully explains the optical and X-ray data.
Assuming that the plasma state of MADs around IBHs is
similar to that in quiescent X-ray binaries, we use the same
plasma parameters as those in S. S. Kimura et al. (2021b).
Based on the parameterization, 15% of the released energy is
dissipated, = L Mcdis diss

2 with òdiss = 0.15. Protons and
electrons would obtain 70% and 30% of the dissipation energy,
so that Lp = (1–fe)Ldiss and Le = feLdiss with fe = 0.3.
Nonthermal particles would obtain 1/3 of the dissipation
energy, LCR = òNTLp with òNT = 0.33, which leads to a CR

Figure 1. A schematic picture of our scenario. An IBH in a molecular cloud accretes the surrounding gas, forming an MAD. Protons are accelerated in the MAD, and
high-energy protons can escape from the MAD. Some of these protons interact with the ambient gas, emitting TeV–PeV gamma rays that can explain LHAASO dark
sources. The majority of the protons escape from the molecular cloud, contributing to the PeV CRs observed on Earth.
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• Simple test for our scenario: observe direct emission from MADs around IBH

• Column density for molecular cloud:  
—> Extinction [ ,  ] —> Hard X-ray (> a few keV) is necessary

• Contamination by protostars (similar ) —> challenging to identify IBHs in clouds

NH ≃ 2 × 1022 cm−2

AV ≃ 10 exp(−τ1 keV) ≃ 0.02
Lopt & LX

Photon emission from IBH in dense clouds
42
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• To avoid complication, other ISM phases are better
• Hot medium: too low accretion rate => warm & cold media are best
• Gaia & eROSITA will detect nearby IBHs => provide a good test for IBH-PeVatron scenario
• We are searching for IBH using optical-X-ray crossmatch catalog. Please stay tuned.

Photon spectra from MADs around IBHs
43

Modified from SSK, Kashiyama, Hotokezaka 2021
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An artist's conception of the Galaxy based on VLBA observations of masers. The 
red dot is the Sun; blue and green dots are some distance measurements. The 

BH lies in thee Carina-Sagittarius arm of the Galaxy.

• Lens objects must be isolated BH 

• First identification of isolated BHs 

• M=7.1 Msun, d=1.58 kpc, v = 45 km/s 

• We can estimate the signals from MADs

OGLE2011-BLG-0462  
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difficult to include such effects deterministically because of the
imperfect knowledge of the blending (at the subpercent level)
for individual images.

7.2. Heuristic Considerations

7.2.1. Photometric Constraints on Parallax and Lens Trajectory

As discussed in Section 2.3, the light curve of a long-
duration microlensing event such as MOA-11-191/OGLE-11-
462 can show distortion by the relative parallactic motions of
the source and lens (e.g., Gould 1992; Alcock et al. 1995).
Specifically, the light curve is sensitive to πE and jLS because
their combination modifies the relative path of source and lens
and thus the shape of the light curve. We note that, in our
formalism, jLS corresponds to the PA of the path of the lens
relative to the source without parallax in equatorial coordinates
(not to be confused with the instantaneous path of the lens at
the time of closest angular approach in ecliptic coordinates; see
Section 2.2).

In principle, a sufficiently accurate light curve can provide
good constraints on both πE and jLS. However, as discussed in
the previous subsection, the photometry is significantly affected
by blending. We attempted to model the light curve alone but

found that it can be fitted with a range of parameter
combinations, in which the values of πE and jLS are strongly
correlated. In addition, the derived value of πE varies with the
specific subset of photometric data chosen for analysis, as well
as with the assumed blending factor for those data. The derived
value of πE ranges from 0.07 to 0.12, with larger values
corresponding to larger values of jLS, ranging from 330° to
358°. The reason is that increasing jLS makes the lens move in
a more northerly direction as seen in the bottom panel of
Figure 15. Since parallax is predominantly in the east–west
direction, in order to produce a fixed change in u, the value of
πE has to increase with jLS, so that the change in position due
to parallax can compensate for a more northerly motion of the
lens. Several different combinations of these quantities can
reproduce the observed light curve, with differences between
solutions of the order of 1 mmag at early and late times and
∼5 mmag near the peak. Systematic differences in the data at
this level could be caused by small variations in blending
associated with changes in the ground-based seeing, or other
minor secular variations in the photometry. Therefore, we
conclude that, when photometry alone is used to constrain the
parameters of the event, only a reliable joint constraint on πE
and jLS can be derived. Fortunately, astrometry provides a

Figure 14. Ground-based photometric observations of MOA-11-191/OGLE-11-462, along with a best-fitting model light curve, shown over a 300-day interval in the
top panel and over a zoomed-in region covering 7 days around peak magnification in the bottom panel. All data have been transformed to OGLE I magnitudes
according to the inferred baseline magnitudes and blend ratio from the common model.
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Compared to the KKH MAD model, the jet power in the
classical RIAF is weaker, and we do not consider radio
emission in that scenario.

5. Electromagnetic Emission of OGLE-2011-BLG-0462

Let us now discuss the prospects for detecting electro-
magnetic signals from OGLE-2011-BLG-0462, the first IsoBH
unambiguously discovered by astrometric microlensing.

5.1. KKH MAD Model

First, we provide analytic estimates of optical and X-ray
signals. For nISMλw ≲ 10, the accretion flow is in the electron
ADAF regime (e.g., F. Yuan & R. Narayan 2014), and the
electron temperature is determined by the balance between
advection and heating. This leads to kBTe ∼ 7MeV in our
fiducial parameters (S. S. Kimura et al. 2021a). Then, the
thermal electrons will emit optical signals via thermal
synchrotron emission, while nonthermal electrons accelerated
by magnetic reconnection will emit X-rays to MeV gamma
rays by synchrotron emission. The resulting X-ray and optical/
infrared luminosities can be analytically estimated by
Equations (13) and (10) in S. S. Kimura et al. (2021a):
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where fX is the correction factor from bolometric to X-ray flux
and fe is the electron heating fraction. We should note that fe,
εdis, and εNT are free parameters, while fX is estimated by
numerical calculations. The combination of these parameters is
calibrated using the optical and X-ray data in quiescent X-ray
binaries (S. S. Kimura et al. 2021b). With the distance to
OGLE-2011-BLG-0462, we estimate X-ray flux and the
I-band AB magnitude to be FX ∼ 4 × 10−17 erg s−1 and
mI ∼ 31 mag, respectively.

Figure 1 shows our MAD model predictions (thick solid
lines), obtained by numerical calculations, for λwnISM = 1.0
(top) and 0.1 cm−3 (bottom). The plasma parameters related to
accretion flows are effectively calibrated by the quiescent
X-ray binary data (S. S. Kimura et al. 2021b), and the mass
and proper motion of OGLE-2011-BLG-0462 are determined
by the HST observations. Thus, the only remaining parameter
is λwnISM.

We also show the upper limit obtained by HST and
Chandra (downward triangles). We find that the case with
λwnISM ≳ 2 cm−3 is already ruled out by the current HST data.
In addition, we plot the sensitivity curves of current and near-
future radio, optical, and X-ray telescopes. We can see that
radio signals from the jets are challenging to detect even for
the higher-density case with λwnISM ≲ 1 cm−3. In contrast,
infrared and X-ray signals from MAD should be detectable for
nISMλw ≳ 0.1 cm−3.

We show the predicted optical, infrared, and X-ray fluxes as
a function of λwnISM in Figure 2 and compare them with the

current upper limit and instrument sensitivities. Since radio
signals from the jets are challenging to detect, we focus on
optical, infrared, and X-ray signals. We find that Chandra with
the soft band, HST, and JWST can detect X-ray, optical, and
infrared signals down to λwnISM ∼ 0.1–0.2 cm−3. Thus, a few
M-sec observations by Chandra will be able to detect X-rays
from OGLE-2011-BLG-0462 or put a meaningful constraint
on our model parameters. HST and JWST observations will
provide another interesting constraint, but we should wait for a
few years until the separation between OGLE-2011-BLG-0462
and the source object becomes sufficiently large.

5.2. Classical RIAF Model

Figure 1 also shows the expected electromagnetic signal
from OGLE-2011-BLG-0462 in the classical RIAF model
(thick dashed lines). We see that the electromagnetic signal
from OGLE-2011-BLG-0462 is undetectable by Chandra and
barely detectable photometrically by JWST, with a 10,000 s
integration only if the nISMλw = 1 cm−3 model is correct.
We can translate parameter nISMλw (Equation (4)) back into

physical quantities in the following way. Parameter
nISMλw = 1 cm−3 (cyan curve) implies that the ISM density
surrounding the IsoBH is assumed to be 1 cm−3 and the near-
horizon accretion rate is a 100% BHL rate. Clearly, this can
only serve as an upper limit to the accretion rate. We therefore
consider the nISMλw = 1 cm−3 case (cyan) to be the upper limit
on emission from the IsoBH in the classical RIAF model,
unlikely to be realized in nature. Alternatively, we can
interpret nISMλw ∼ 1 cm−3 to the case where OGLE-2011-
BLG-0462 is in the cold neutral medium where nISM ≳ 10 is

Figure 1. Predicted multiwavelength photon spectra from OGLE-2011-BLG-
0462 for λwnISM = 1.0 (top) and 0.1 cm−3 (bottom). The emission from the
KKH MAD and compact jets accompanied with MAD are shown in solid blue
and solid red lines, respectively. The emission from the classical RIAF model
is given in the dashed magenta lines. The gray triangles are the current upper
limits by HST and Chandra. The thin dashed lines are sensitivity curves for the
Square Kilometre Array (SKA), VLA, Atacama Large Millimeter/submilli-
meter Array (ALMA), HST, and Chandra.
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Prospects for detecting OGLE-11-0462
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• Detection will be useful to calibrate emission model & number of IBHs found by Gaia 
• We submitted proposal for JWST observation of OGLE-11-0462.

SSK, Murchikova,  Sahu  2025



• Identification of Galactic PeVatrons is a hot topic owing to UHE gamma-ray observations 

• Canonical SNRs cannot be sources of PeV CRs  

• Micro-quasars became the leading candidate of PeVatrons 
=> Shear acceleration scenario can explain super-Knee CR data 

• Hot accretion flows can accelerate CRs by magnetic reconnection or turbulence 
=> XRBs in hard/quiescent states could be potential PeVatrons & LHAASO sub-TeV γ 

• Isolated black holes embedded in molecular clouds are similar to XRBs in quiescent state 
=> potential PeVatrons and LHAASO unID sources  
& testable by searching IBHs using Gaia & eROSITA

Summary
46
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